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ABSTRACT

We have theoretically modeled the chemistry and heat balance of dense (10° cm™3 < ny < 106 cm™3) neu-
tral gas illuminated by far-ultraviolet (FUV) (6 eV < hv < 13.6 €V) fluxes 10°~10° times more intense than the
ambient interstellar field. The one-dimensional models extend 4, ~ 10 into the neutral gas, and are primarily
intended to study the FUV illuminated neutral gas (photodissociation regions) between molecular clouds and
H 1 regions. However, the models also apply to neutral shells around planetary nebulae, bright-rimmed
molecular clouds, reflection nebulae, regions around protostars, and the center of the Galaxy, and to global
studies of external galaxies. The models relate observed line and continuum emission from these regions to
interesting physical parameters such as the gas density and temperature, the incident FUV flux, the elemental
abundances, and the grain properties. The dense, highly illuminated photodissociation regions generally
include a hot (T > 100 K) atomic region (H, O, and C*) near the surface (4, < 3) where trace H, is vibra-
tionally excited by FUV pumping, a warm (T ~ 100 K) partially dissociated region (H,, O, C, and CO) at
about A4, ~ 3-5, and a cooler (T < 100 K) interior region (4, ~ 10) where oxygen is still photodissociated to
atomic form (H,, CO, and O).

The FUV-induced photoelectric ejection of energetic (~1 eV) electrons from grains dominates the gas
heating in the warm photodissociation regions, and the gas attains much higher temperatures than the grains.
O 163 um and 145 um and C 11 158 um dominate the gas cooling, and the ratios and peak intensities of these
lines measure the gas density and temperature. The fraction of the FUV flux converted into flux in these lines,
or, equivalently, the ratio of the flux in these lines to the integrated continuum infrared flux from the grains, is
generally of order 1072-1073, This measured ratio is a function of the gas temperature, the electron density,
and the FUV flux. The ratio decreases with increasing FUV flux and decreasing electron density because such
changes in these parameters increase the positive grain charge and produce less efficient photoelectric heating.

The inclusion of sulfur and silicon chemistry, self-shielding of atomic carbon, and a high elemental abun-
dance of carbon in the gas phase produces sufficient column densities of atomic carbon in our models to
explain the intense and extended C 1 609 ym emission observed near H 11 regions. We argue that the observed
C 1 lies on the surfaces of molecular clouds, and does not exist in high abundance throughout the clouds as
has been suggested elsewhere.

Subject headings: infrared: spectra — interstellar: molecules — molecular processes — nebulae: H 11 regions

I. INTRODUCTION

Observational studies directed toward H 1 regions and in
galactic nuclei have revealed intense O 163 um and 145 ym and
C 1 158 pm fine-structure emission as well as luminous far-
infrared continuum emission by the dust (see Werner et al.
1976,; Melnick, Gull, and Harwit 1979; Storey, Watson, and
Townes 1979; Furniss et al. 1982; Werner and Ellis 1985;
Stacey et al. 1983; Russell et al. 1980, 1981; Crawford et al.
1985). Table 1 gives a partial survey of some of the regions
observed, the luminosities in the lines, and the bolometric
luminosity of each region (i.e., presumably the luminosities of
the early-type stars which ionize the associated H 11 regions).
Table 1 illustrates that the fine-structure emission, though
luminous, is completely dwarfed by the luminosity of the ion-
izing source, and that a mechanism is required which trans-
forms 0.1%—1% of the stellar radiation field into flux in these
lines.

Motivated by these observations, we have constructed one-
dimensional theoretical models of the surfaces of molecular
clouds which are illuminated by intense far-ultraviolet (FUV)
(6 eV < hv < 13.6 eV) fluxes. We wish to model what lies
between the ionized and molecular components of the inter-
stellar medium. The intense FUV fluxes generally photo-
dissociate the molecules and photoionize those heavy elements

with ionization potentials less than the Lyman limit, leaving
the gas mostly H, He, O, C*, and N. We define
“photodissociation regions” somewhat more generally to
include regions where FUV radiation dominates the heating
and/or some important aspect of the chemistry. Thus, photo-
dissociation regions include most of the atomic gas in a galaxy,
both in diffuse clouds and in the denser regions which are
studied here. In addition, photodissociation regions extend to
places where hydrogen is molecular and carbon is incorpo-
rated into CO, but where the residual oxygen remains in
atomic form because of FUV photodissociation. In the Milky

TABLE 1
FINE-STRUCTURE LUMINOSITIES FROM SELECTED REGIONS

O163um Cu 158 um Ly

Source (Lo) (Lo) (Lo) References
M42 ..o 600 80 3 x 10° 1,23
MI7 i 3000 2000 6 x 10° 1,4
SgrA .o 10° 10* 3 x 107 5,6,7
MS82 (nucleus) ......... 108 2.5 x 107 10'° 8,6

REFERENCES.—(1) Melnick, Gull, and Harwit 1979; (2) Storey, Watson, and
Townes 1979; (3) Russell et al. 1980; (4) Russell et al. 1981; (5) Genzel et al.
1984; (6) Genzel 1983; (7) Lester et al. 1981;(8) Watson et al. 1984.
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Way these atomic regions may account for 0.2-0.5 of the
neutral gas (see Solomon and Sanders 1980; Blitz and Shu
1980).

This paper focuses on photodissociation regions adjacent to
H 1 regions, which are usually dense and which have incident
FUYV fluxes ~103-10° times as intense as the average ambient
interstellar field. Previous theoretical models of photo-
dissociation regions (Glassgold and Langer 1974, 1975, 1976;
Langer 1976; Black and Dalgarno 1977; Clavel, Viala, and Bel
1978; de Jong, Dalgarno, and Boland 1980) have focused on
gas of hydrogen nucleus density n, < 10* cm 2 illuminated by
the ambient interstellar radiation field. Preliminary models
have been reported for C 11 regions with n, < 3 x 10% cm ™3 by
Brown, Lockman, and Knapp (1978) and Dewdney and Roger
(1983). However, this paper presents the first theoretical
models with full chemistry and heat balance of dense
(10> cm ™3 < ny < 10° cm~3) gas illuminated by ultraviolet
fluxes G, = 10°-10%, where G, is the FUV field measured in
units of the equivalent Habing (1968) flux of 1.6 x 1073 ergs
cm ™% s~ ! appropriate to the average interstellar medium.

Intense FUYV fields have a dramatic effect on the structure
and line emission from photodissociation regions. The models
presented are not only relevant to the dust and gas between
molecular clouds and H 11 regions but also apply to any neutral
cloud illuminated by intense FUV fluxes. Such regions include
the neutral gas near planetary nebulae, regions surrounding
protostars (e.g, the BN object), bright-rimmed molecular
clouds, and reflection nebulae. They also apply to neutral gas
near unknown sources of FUV radiation, such as may exist in
the galactic center and in the nuclei of external galaxies.

The goal of the theoretical models is to relate observed line
and continuum emission from these regions to interesting
physical parameters such as the gas density and temperature,
the elemental and chemical abundances, the local radiation
field, and the grain properties. These parameters are inherently
of interest in what they reveal of the atomic phase of the inter-
stellar medium and of the evolution and structure of the inter-
stellar medium and the nature of molecular clouds. They also
probe the physical environment of the nearby regions of
massive star formation or galactic nucleus activity.

The relatively small number of chemical species and better
understood reaction rates in photodissociation regions allows
observation and theory to be linked in order to test theories of
interstellar gas-phase chemistry, as has been done for diffuse
clouds (see Black and Dalgarno 1977). The simple chemistry
also means that elemental abundance information is relatively
easy to extract, since much of an element will be tied in a single
chemical species, such as C*. Many previous gas-phase chemi-
cal models of dense molecular clouds have assumed that
ultraviolet radiation can be ignored. However, the
ultraviolet-dominated surface regions may contribute substan-
tial column densities of some of the observed species (e.g., C 1)
and may help to explain some paradoxes which currently
undermine the validity of the standard gas-phase chemistry
models of molecular clouds (see Watson and Walmsley 1982).

In the following sections we present a theoretical parameter
study of the temperature and chemical structure of dense
photodissociation regions and their resultant spectrum. In § II
we present an overview of the morphology of photo-
dissociation regions, examine the density and temperature
dependence of O 1and C 11 cooling, and discuss why photoelec-
tric heating is the most likely gas heating mechanism. Section
IIT enumerates the various physical processes included in our

thermochemical model, including the treatment of the FUV
radiation field, the assumption of dynamical and chemical
equilibrium, and the heating, cooling, and chemical processes.
Section IV presents the results of our theoretical models, with
special emphasis on the variations of line intensities with gas
density and incident FUV flux. We discuss the results in § V,
with a qualitative description of the important processes which
govern chemistry, the energy balance, and the emitted line
intensities. Section VI summarizes the main features of our
theoretical parameter study. In a separate paper (Tielens and
Hollenbach 1985, hereafter Paper IT) we present an application
of these results to the observational data from the OMC-1
region.

II. MAIN FEATURES OF DENSE PHOTODISSOCIATION REGIONS

a) Overview of the Global Morphology of
Dense Photodissociation Regions

The one-dimensional theoretical models to be described in
this paper assume that the photodissociation region hydrogen
nucleus density n, and the incident FUV flux G, are indepen-
dent parameters. This allows application to a variety of geome-
tries, such as the photodissociation regions adjacent to
“blister” H u regions. We note, however, that around spher-
ical, ionization-bounded H 1 regions produced by O stars, the
density and FUYV field are related by G, ~ 3 x 103(n,/C)*-33,
where n, = ny/10* cm™3, C = ny/ny, and ny is the electron
density in the H 1 region (see Spitzer 1978). We restrict our-
selves to sufficiently late times after the onset of the ultraviolqt
flux that the photodissociation region is in pressure equi-
librium with the H 1t region and, therefore C &~ 10-100 (there
will be further discussion of this assumption in § III). We study
the range 10° cm ™3 < n, < 10® em™3, which corresponds
roughly to H 1 region densities of 10 cm ™3 < ny < 10° cmf"‘.
Typically, an FUV source (T, > 3 x 10* K) of luminosity
10*-10° L lies some 0.1-1.0 pc from the atomic region. The
incident flux is thetefore in the range G, ~ 10°-10°. The
photodissociation region behind the Trapezium stars in
OMC-1 has G, ~ 10° and n, ~ 105 cm 3. Reflection nebulae
illuminated by early-type B stats, such as NGC 2023 and NGC
7023, can have G, ~ 10° and ny ~ 103~10* cm 3.

Figure 1 schematically shows the overall morphology of
dense clouds illuminated by ultraviolet radiation from nearby
sources. We shall show in § IV that under these conditions, the
ultraviolet flux can heat, through photoelectric heating, a
neutral column of gas near the cloud surface of 8 x 10
hydrogen nuclei cm~2 to high temperatures: 100 K
< T < 1000 K. The high-temperature gas is predominantly
atomic, with some singly ionized elements such as C*, S, Si*,
and Fe* whose ionization potentials lie below the Lyman
limit. Cooling is primarily by O 163 ym and C 1 158 um. An
appreciable amount of vibrationally excited H, (by ultyavwlet
pumping) is also found in this gas. Somewhat farther into the
cloud (4, ~ 5), we find large quantities of atomic carbon and
warm CO as C* makes the transition to CO. Finally, at 4, ~
10-20, photodissociation of OH, H,O, and O, ceases to be
important, and a chemical equilibrium appropriate to opaque
molecular clouds dominated by cosmic-ray ionization becomes
relevant.

We ignore ionization by soft X-ray or XUV photons.
Photons with energies >0.5 keV are required to penetrate the
substantial column density of neutral gas which comprises the
photodissociation region. With sufficient flux, these X-rays
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FiG. 1.—A schematic drawing of a photodissociation region. Our one-dimensional theoretical models extend from the predominantly atomic region to the point
where O, is not appreciably photodissociated. Hence, the photodissociation region includes gas whose hydrogen is mostly H, and whose carbon is mostly in CO.
The above diagram is roughly for Orion-like conditions with intense FUV fields incident upon the cloud. Large columns of warm O, C, C*, and CO and

vibrationally excited H, are produced in the photodissociation region.

could dominate the FUV ionization of atomic carbon. There-
fore, our models hold only if X-ray sources with luminosity L
(in >0.5 keV photons) lie at least 0.1 pc L35 from the photo-
dissociation region, where L3, = L/1032 ergs s~ . This condi-
tion nearly always applies (see Lepp and McCray 1983).

b) Temperature and Density Dependence of O 163 um,
O1145 um, and C 11 158 um Emission

The relative integrated strengths of the O 1 63 um and O 1
145 pm lines provide constraints on the density n, and tem-
perature T of the gas if these lines are optically thin. Figure 2
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F1G. 2—The ratio of the intensity in the O 1 145 um line to that in the O 1
63 um line is shown as a function of temperature. The solid lines give this ratio
for different densities in the optically thin case. The broken line gives the ratio
for optically thick lines of equal line width. A schematic energy diagram of the
fine-structure states of O are shown in the lower right-hand corner. Collisions
with atomic hydrogen are assumed.

plots the ratio of these two lines as a function of temperature
for a range of assumed neutral gas densities. We take the col-
lisional rate coefficients from Launay and Roueff (1977a) and
assume the colliding partners to be H atoms. The dotted line in
Figure 2 shows the ratio of the two lines in an optically thick
approximation where the peak line intensities are the black-
body values and the line widths are assumed equal. We find
that in photodissocation regions the O 1 63 um line is usually
optically thick so that the O 1 145 um/O 1 63 um ratio lies
above the optically thin value for the relevant n, and T. There-
fore, this line ratio does not set a simple constraint on n, and
T. However, the peak O 1 63 um line intensity, if resolved,
provides a measure of gas temperature. The O 1 145 um line,
which is thin, provides a measure of the column density of O 1if
the density and temperature are known.

Assuming that the gas-phase elemental abundances of O and
C are relatively well known, the C 1 158 um/O 1 63 um ratio
also constrains gas temperature and density (see Fig. 3, which
assumes abundances of 3.7 x 10™* for C* and 6.7 x 10~* for
0). Collision rates for O are taken from Launay and Roueff
(1977a). Collision rates for C* are taken from Launay and
Roueff (1977b) for H atom collisions, from Flower and Launay
(1977) for H, collisions, and from Osterbrock (1974) for elec-
tron collisions (the electron abundance is taken to be equal to
the carbon abundance in Figure 3, and the hydrogen is
assumed to be atomic). C 11 158 um dominates for n, < 103
cm~3and T < 10* K, while O 163 um dominates for n, > 10*
cm~ 3 and T > 100 K. The observation that the C 1 158 um/
O 1 63 um ratio observed in Orion is about 0.1 (see Table 1)
suggests that the gas temperature is about 500 K and the
density about 10° cm 3. Since these two lines generally domi-
nate the atomic gas cooling in photodissociation regions, we
have also plotted in Figure 4 the absolute C 11 158 um cooling
rate per C* ion as a function of temperature for various hydro-
gen atom gas densities.

In a homogeneous slab with constant density, temperature,
and C* abundance, the emergent intensity in the C 11 158 ym
line can be calculated analytically as a function of the total
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F1G. 3.—The ratio of the intensity in the C 11 158 um line to that in the O 1
63 pm line is shown as a function of temperature and density. The C*/O
abundance ratio is taken to be 0.55, the cosmic abundance ratio of C to O.
Collisions with atomic hydrogen are assumed.

column density of C*, N(C*). Figure 5 plots the C 11 158 um
intensity against N(C™) for different temperatures, where it is
assumed that the fine-structure levels are in LTE (ny > 2 x 103
cm™?3), a safe approximation for photodissociation regions
around H 11 regions. For low column densities the integrated
intensity is directly proportional to the column density, as
expected for an optically thin line. For very large column den-
sities the integrated intensity is given by

I, = B(T)W(dv4/0)f (1), 0]

where B, is the Planck function at the frequency of the line v,
ov, is the turbulent Doppler width, and f(z) is a factor which
takes optical-depth effects into account (see Appendix B). For
large optical depths f(z) is proportional to the logarithm of the
column density (i.e., the line is on the logarithmic part of the
curve of growth). The curves in Figure 5 are calculated for
dvy = 2.7km s !, appropriate for Orion (Paper II). Comparing
this curve with the observed surface brightness of the C 1 158
um line in Orion (~4 x 1073 ergs cm~2 s~ ! sr™!) implies
again that the gas is warm (~500 K) and that the column
density of C 1t is of the order of 4 x 10'® cm 2.

¢) Gas Heating Mechanisms in Photodissociation Regions

The absolute strengths of the observed O 1 63 ym and C 11
158 um lines in Table 1 are at least an order of magnitude
larger than those predicted by Hill and Hollenbach (1978) to
emerge from the H 11/H 1 transition zone (the thin neutral
region where Lyman continuum photons dominate the heating
and ionization) or from the neutral shock wave driven by the
pressure of the expanding H 1 region. Both of these regions
have dimensions of order Ad, ~ 1072-10"! (see Fig. 1). The

F1G6. 4—Cooling in the C 11 158 um line per carbon ion is plotted as a
function of temperature and density. A schematic energy diagram of C* is
given in the lower right-hand corner. Collisions with atomic hydrogen are
assumed.

photodissociation region has a dimension AA, of the order of
several, and we shall show in §§ III and IV that the photoelec-
tric mechanism heats these regions to sufficient temperatures
(T > 100 K) to appreciably excite both O 163 ym and C 11 158
um,

Simple physical arguments demonstrate that the photoelec-
tric mechanism can convert up to about 4% of the FUV radi-
ation flux into gas heating. Since 10 eV is an average FUV
photon energy and 6 eV is a typical work function of a neutral
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FiG. 5—The intensity in the C 11 158 um line as a function of the total C*
column density in a homogeneous slab model is plotted (see text).
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interstellar grain (see de Jong 1980), electrons ejected from
neutral grains carry about 4 eV of kinetic energy which heats
the neutral gas. The probability that an absorbed photon ejects
an electron (the “photoelectric yield ”) is of order 0.1 (see de
Jong 1980). Therefore, the fraction € of the absorbed FUV flux
which is converted to gas heating, or the “heating efficiency,” is
approximately (4/10) x 0.1 = 0.04 for neutral grains. When
comparing with, for example, Table 1, one must multiply € by
the fraction of the O star bolometric luminosity which falls into
the FUV band (~0.5). Typically, the heating efficiency is
perhaps an order of magnitude smaller than this value because
the FUYV flux positively charges the grains, which results in a
larger effective work function. We note that the efficiency of the
photoelectric mechanism depends on the microscopic pa-
rameters of the grain such as the photoelectric yield and the
neutral work function and not on the global grain parameters
such as the gas-to-dust ratio. The efficiency is also insensitive
to the FUV albedo and absorption cross sections of the grains.
Figure 6 shows a more quantitative analysis of the photo-
electric mechanism which includes the effect of grain charging.
Using the formalism derived by de Jong (1980) (see § I of
Appendix A), we can calculate € as a function of the parameter

=29 x 107G, T*n; ! . 2

The parameter y is a measure of the ratio of the rate at which
FUV photons strike grains to the rate at which electrons
recombine with grains. Thus, y < 1 implies neutral or nega-
tively charged grains where € is expected to be high (>0.01),
while y > 1 implies positively charged grains. Figure 6 plots €
against y. Typically, in photodissociation regions which lie
between H 11 regions and molecular clouds, G, ~ 104, n, ~ 10
cm™ 3 and T ~ 100 K, so that y~ 0.3 and e~ 4 x 1073,
Therefore, photoelectric heating is a promising mechanism to
explain the extended and luminous O 1 63 um and C 11 158 um
emission.

Our models are intended for regions such as those listed in
Table 1 where the energy input to the gas is >100-1000 L;
this eliminates in most cases the possibility that X-ray heating
could account for a substantial fraction of the gas heating. The
number density and luminosity of X-ray sources (see Lepp and

T T T T
102 .
103 .
€
104+ 8
105 .
1 1 1 1
10-3 10-2 1071 100 101 102

Y

F1G. 6.—The efficiency of the photoelectric heating of the gas as a function
of y is shown.
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McCray 1983) are insufficient to account for the widespread
observations of O 1 63 ym and C 11 158 um emission. Further-
more, as will be discussed in Paper II, the observations in
Orion show that the emission is luminous in the ionization bar,
as would be expected for photodissociation regions but not for
X-ray-heated gas.

III. PHYSICAL PROCESSES

a) The Far-Ultraviolet Radiation Field

The penetration of FUV radiation into dense molecular
clouds is a sensitive function of the rather unknown scattering
properties of the interstellar dust (Sandell and Mattila 1975;
Whithworth 1975; Flannery, Roberge, and Rybicki 1980).
Accurate calculations of the radiative transfer equations for
plane-parallel semi-infinite slabs show that the mean intensity
is proportional to exp (—k;, 4,), provided that the total visual
extinction of the cloud is large (Flannery, Roberge, and
Rybicki 1980). A, here is the visual extinction into the slab
measured from the H 11/H 1 transition zone. The constants k,
for the different ionization, dissociation, and heating processes
are taken from the numerical results of Roberge, Dalgarno,
and Flannery (1981) for their model 2 dust properties, and from
Black and Dalgarno (1977) when not available from Roberge
et al. The values of k, range from ~1 to ~ 3.5 for the different
processes considered.

Because the penetration of FUV radiation has such an influ-
ence on the chemical and heat balance, we have examined the
importance of varying k,. This was done by treating two limit-
ing cases: (1) the standard case discussed above, and (2) a low
attenuation case where k;, = 1 for all 4.

The penetration of FUV radiation is also influenced by
absorption by neutral carbon atoms (Werner 1970) and by
absorption by molecular hydrogen (Black and Dalgarno 1977).
This is particularly important for the C*/C/CO and the H i/H,
transition (see Appendix A).

The wavelength dependence of the incident FUV flux is set
equal to the theoretical estimate for the interstellar FUV radi-
ation field (Habing 1968), except for some of the photo-
dissociation and photoionization reactions which were
calculated using Draine’s (1978) estimate of the interstellar
FUYV field (see Roberge, Dalgarno, and Flannery 1981). The
differences between the two estimates are only small.

b) Dynamical Equilibrium
In our model the atomic region, which separates an H 1
region from its parent molecular cloud, is represented by a
constant-density plane-parallel slab. We adopt a Gaussian
turbulent velocity field in the cloud, and this turbulence is

assumed to dominate the pressure. Quantitatively, P =
0.5p602, or

P/k = 5.8 x 105(n,/105 cm~3)dv,/1 km s™ )2 em 2 K, (3)

where P, p, and n, are the gas pressure, mass density, and
number density and where dv, is the Gaussian velocity width.
Apart from a factor of 2 associated with the H 1/H, transition,
our constant-density plane-parallel slab is therefore also in
pressure equilibrium. The neglect of dynamical effects (e.g.,
shocks) limits the applicability of our models to the later stages
(t > t, = 10°ng ! yr) of the dynamical evolution of H 1 regions,
when global pressure equilibrium between the atomic gas and
the ionized gas has been reached for A, < 10 (Hill and Hollen-
bach 1978).
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Dynamical equilibrium, in the sense of a static pressure-
confined H 1 region, is not required. The models hold as long
as the gas density and pressure are roughly constant inside the
photodissociation region, or, equivalently, no strong shocks
exist inside the photodissociation region. Therefore, the models
may apply to the expanding shells of planetary nebulae if these
shells have column densities > 1022 cm ™ 2.

¢) Heating and Cooling Processes

The photodissociation region is predominantly heated by
ultraviolet photons longward of 912 A. Various mechanisms
convert FUV radiation into gas heating: (1) photoelectric
emission from dust grains, (2) neutral carbon ionization, (3) H,
photodissociation, (4) the FUV pumping followed by col-
lisional de-excitation of vibrationally excited H,, (5) H, forma-
tion from FUV-produced hydrogen atoms, and (6) collisions
between gas particles and FUV-heated or radiatively acceler-
ated dust grains. In addition, (7) cosmic-ray heating may also
contribute deep in the cloud, and (8) O 1 may heat the gas
through the collisional de-excitation of the (dust) continuum
radiation-excited 3P, fine structure level. These eight heating
mechanisms are well-known, with the possible exception of the
O 1 mechanism, and we briefly describe the rates incorporated
into our model in Appendix A.

The gas is generally cooled by infrared fine-structure lines
from atoms and by low-lying rotational lines from molecules.
Which of these two classes of cooling processes dominates
depends on the chemical composition of the gas phase. We
include the infrared fine-structure lines of C, C*, O, S, Si, Si*,
Fe, and Fe*; the first 20 rotational levels of CO; and the
rotational cooling of H,, CH, OH, and H,O. At temperatures
of a few thousand degrees, vib-rotational transitions in H, and
excitation of the metastable 'D level of atomic oxygen are of
importance. At even higher temperatures (10* K) Ly cooling
will become dominant. Our treatment of radiative cooling
includes line opacity effects and basically follows that of de
Jong, Dalgarno, and Boland (1980) and Hollenbach and
McKee (1979). We summarize our radiative transfer scheme
and the derived cooling rates in Appendix B.

d) Chemistry

The heating and cooling in the H 11/H 1/H, transition region
depend sensitively on the molecular composition of the gas.
We have constructed a chemical network of 165 reactions
between 41 species consisting of the elements hydrogen,
helium, carbon, oxygen, silicon, sulfur, magnesium, and iron.
The species and their reactions are listed in Appendix C. The
photoreactions are taken from Roberge, Dalgarno, and Flan-
nery (1981) and, where not available there, from Black and
Dalgarno (1977). Unless otherwise noted, the rest of the reac-
tions are from Prasad and Huntress (1980). For a few typical
models the calculated abundances were checked against the
results from a more extensive chemical code in order to ensure
that all the important reactions are included in the model cal-
culations. The abundance of H,, C*, e”, and CO are of par-
ticular importance. In the remainder of this section we will
discuss the hydrogen chemistry, the C*/C/CO transition, the
electron abundance, and the assumption of chemical equi-
librium.

i) The Hydrogen Chemistry

Molecular hydrogen is formed on grain surfaces
(Hollenbach and Salpeter 1971) probably through H abstrac-
tion from molecules like H,S, H,CO, N,H,, N,H,, and the
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metal hydrides (Tielens and Hagen 1982). The rate of this reac-
tion is given by

R = 0.5n,n,0,58(T)
~ 6 x 107 17(T/300)%°n, nS(T) cm =3 s~ 1, 4

where n; and ¢, are the number density and cross section of
dust grains and ny, 7, and S(T) are the number density, mean
velocity, and thermally averaged sticking coefficient of hydro-
gen atoms. The latter is given by (Hollenbach and McKee
1979)

S(T) = [1 + 04T + T)°5 +2 x 1073T + 8 x 1076T2]"*,
®)

where T, is the dust temperature.

Not considered in equations (4) and (5) is the thermal evapo-
ration of H atoms from grains. Above a certain critical grain
temperature, T,,, the rate at which H, is formed on a grain
surface drops rapidly because of this evaporation. As discussed
in Appendix C, this critical grain temperature is about 75 K.
To simplify the calculations, and since grain temperatures are
generally <75 K in photodissociation regions, it is assumed
that H, formation on grain surfaces is always given by equa-
tions (4) and (5). The importance of this assumption will be
discussed.

If H, is not formed on grain surfaces, then the important
mechanism for H, formation is by the radiative association
reaction (de Jong 1972)

H+e -H +hv,
followed by the associative detachment reaction
H +H-H,+e .

Molecular hydrogen is electronically excited by absorption
of FUV photons in the Lyman-Werner bands. Subsequent
fluorescence leads to dissociation in about 10% of the cases
and to an H, molecule in a vibrationally excited state of the
ground electronic state in the remaining 90% of the cases
(Black and Dalgarno 1976). Vibrationally excited H% can react
with no activation energy with many chemical species and will
emit (2 um) vibrational emission. The forbidden nature of the
vibrational decay means that a large abundance of H¥ can be
maintained. Therefore, as discussed in Appendix B, we have
lumped the vibrational levels of ground state H, into a single
pseudolevel at v ~ 6, and we treat the vibrationally excited H}
as a separate chemical species in the chemical equilibrium. It is
formed by the above FUV pumping mechanism and destroyed
by FUV pumping to Lyman and Werner bands followed by
dissociation, by direct FUV dissociation, by radiative decay or
collisional de-excitation to v =0, and by the chemical reac-
tions discussed below.

At low densities in an intense FUV field, the vibrational
excitation temperature of H, may be quite different from the
gas temperature. Part of the internal energy of vibrationally
excited H¥ can be used to overcome activation energy barriers
in chemical reactions. It has been suggested that the reaction of
vibrationally excited H¥ with C* is a major pathway for the
synthesis of interstellar CH™ (Stecher and Williams 1972).
Although interstellar CH* generally seems to be formed
behind low-velocity shocks (Elitzur and Watson 1980; Feder-
man 1982), for some lines of sight (e.g., the stars in the Pleiades)
reactions of vibrationally excited H} may be dominant
(Freeman and Williams 1982). Laboratory data and theoretical
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calculations indicate that the reduction of the activation
energy for vibrationally excited H% depends on the height,
width, and location of the activation barrier (Schatz 1981;
Light 1978; Schinke and Lester 1979; Lee et al. 1982). We will
assume that all of the available vibrational energy can be used
to overcome an activation barrier. For the important reactions

H¥*+C*—->CH" + H
and

this is a reasonable assumption, since the activation barrier
(~0.5 eV) is much less than the average vibrational excitation
energy (~ 2.6 eV). For the collisional dissociation reactions

Hf+H->H+H+H
and
H¥+H,-H+H+H,,

this may overestimate the rates considerably. However, FUV
dissociation always dominates.

ii) The C*/C/CO Transition

The C*/C/CO transition is of prime importance for the cal-
culation of the energy balance and line intensities of photo-
dissociation regions. At the edge of dense molecular clouds,
carbon is photoionized to C*. Partly as a result of self-
shielding (Werner 1970) and partly because of dust shielding,
the C* will be transformed to C and CO at greater depths into
the cloud. This transition has been studied in detail by Glass-
gold and Langer (1975), Oppenheimer and Dalgarno (1975),
Langer (1976, 1977), Bally and Langer (1982), and Frerking,
Langer, and Wilson (1982).

a) C 1—At the edge of the cloud, neutral carbon is mainly
formed by

Ct+e—-»C+hy
and
CH+h—->C+H.

Deeper in the cloud, where the electron abundance drops, the
charge exchange reactions

C*+S—>C+S*
and
C* +Si0—-C + SiO™

are the main formation mechanisms for C. These two reactions
have generally been ignored in studies of the chemistry in
photodissociation regions. They are, however, of prime impor-
tance.

For A, < 7, C is destroyed mainly through photoionization.
It should be noted that dust, C, and H, compete for the same
photons (Black and Dalgarno 1977; Werner 1970). All three
absorption processes must be included in calculating the pho-
toionization rate of C. Deep in the cloud C cycles to CO
through

C+OH-CO+H,
C+0,-CO+O0.

The OH formation is initiated by cosmic-ray ionization of H,
followed by charge exchange with O, ion reactions with H,,
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and finally ion dissociative recombination with electrons. The
O, results from

O+OH-O0, +H.

b) CO.—There are three different chemical pathways for
forming CO. First, CO formation is initiated by the radiative
association of C* with H,, which ultimately leads to CH and
CH,, which react with O to form CO. This is generally the
most important pathway at the edge of the cloud (4, < 5). A
second path, which is important for 4, > 5, is initiated by the
radiative association of Si* with H, which ultimately leads to
SiO, which reacts with C* to form CO. A third involves the
production of H,O which reacts with C*, or OH which reacts
with C or C*, to ultimately form CO. However, the high FUV
fields in photodissociation regions limit the abundance of OH
and H,O, and this third pathway is generally unimportant in
our models.

In the interiors of the clouds CO is destroyed by reactions
with He* and Hi ions, which result from cosmic-ray ioniza-
tion of Heand H,:

CO + He" - C* + O + He,
CO + Hf - HCO* + H, .

The latter reaction merely recycles the CO through dissociative
electron recombination. At the edge of the cloud CO destruc-
tion is dominated by photodissociation. It has been suggested
that the FUV photodissociation of CO occurs through absorp-
tion in discrete lines rather than a continuum. In that case CO
self-shielding will be important. This might explain the
observed changes in the C'80/C*°0 ratios with visual extinc-
tion (Bally and Langer 1982, Chu and Watson 1983). These
isotope observations may, however, also be due to differences
in excitation (Leung 1983). In effect, the photon observed to
come from the edge of the cloud may actually be generated
inside the cloud. Upon diffusing outward these photons may be
scattered into the observers beam. Because of its higher abun-
dance the scattered intensity in C!'®O will extend farther
outward than that in C'80. Observations of the polarization in
these millimeter lines could settle this question. There are no
clear laboratory data supporting or refuting CO self-shielding.
Generally, we will ignore CO self-shielding, but we also treat
cases with self-shielding included. The adopted rates are given
in Appendix C.

iii) The Electron Abundance

The electron abundance is of some importance for the chem-
istry (see above) and particularly for the heating balance, since
it affects the grain charge, which determines the efficiency of
the often dominant photoelectric heating. At the edge of the
cloud the electron density is governed by photoionization and
radiative recombination of C and S. Deep in the cloud the
degree of ionization is determined by the cosmic-ray ionization
of H, and He and by photoionization of the metals Mg and Fe.
The charge resulting from cosmic-ray ionization is also quickly
passed on to the metals through charge exchange reactions.
Because these metals do not form molecular ions at low tem-
peratures and because radiative recombination of metal ions
proceeds very slowly, all the positive charge will be locked up
in the metals deep in the cloud (Oppenheimer and Dalgarno
1974).

iv) Chemical Equilibrium

The molecular composition of the photoelectrically heated

region is assumed to be in chemical equilibrium. The lifetimes
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of these regions are, however, so short (< 10%-107 yr, the life-
time of a massive star) that nonequilibrium effects might be
important. Time-dependent calculations of the H 1/H, tran-
sition around H 11 regions show that H, reaches equilibrium
after about 10°1;! yr (Hill and Hollenbach 1978). This is
comparable to the time scale to reach global pressure equilib-
rium. For heavier molecules the situation is slightly more
complicated. Consider, for example, the cycle
C"—> CH; - CO— C— C", which is the dominant forma-
tion and destruction pathway of CO at the edge of the molecu-
lar cloud. The neutral carbon ionization time scale is very short
at the edge of a molecular cloud (tc+ ~ 102Gyt yr). The
longest time scale in the CO cycle in atomic regions is that
controlling the formation of CH; through radiative associ-
ation, Tcy,+ ~ 10%n; ! yr, again short compared with the
global pressure equilibrium time scale. Further into the cloud
where the gas is molecular, carbon ionization will become the
limiting process in CO formation. The time scale is then 1c. ~
10%Gg ' exp (2.64,) yr, where A, is the visual extinction to the
cloud surface. Therefore, for 4, < 7.1 + 0.4 In (Gys/n,), where
Gos = Go/10°, the FUV-dominated CO cycle chemistry is in
equilibrium. Likewise, the FUV dissociates all oxygen not
incorporated in CO into atomic oxygen on a time scale 7, ~
102G, ! exp (1.44,), so that oxygen equilibrium applies for
A, <13 + 0.71n(Ggys/ny).

Our equilibrium calculations extend to A, ~ 10. Although
the deeper regions may be somewhat out of equilibrium, we
shall show that regions of high extinction 4, ~ 5-10 contribute
little to the O 1 and C 11 emission, and that most of the carbon is
tied up in CO in these regions—a result valid for nonequilib-
rium models, since the gas prior to the onset of the FUV source
is assumed to be molecular. The main discrepancy introduced
by our equilibrium assumption is in the calculation of C 1
intensities. These we may somewhat underestimate, since, in a
time scale ¢,, the gas has been compressed by the H 1 region
pressure and the previous lower density gas had a higher C 1
abundance (see Prasad and Huntress 1980; Graedel, Langer,
and Frerking 1982).

IV. RESULTS

The equations of energy balance and chemical equilibrium
are solved simultaneously to determine the temperature and
molecular abundances as functions of cloud depth (see Appen-
dix D). The emergent line intensities are then calculated from
each model cloud. Free parameters in the calculations are the
number density of hydrogen nuclei n, (which is equivalent to
turbulent gas pressure according to eq. [3], once dv,; is
specified) and the incident FUV radiation field G,. Other pa-
rameters which are constrained but which, because of their
uncertainty, are varied to determine the sensitivity of our
results include the turbulent Doppler width Jv,, the ratio of the
dust abundance to that in the diffuse interstellar medium d,,
the ratio of the dust absorption efficiency in the FUV to the
dust extinction efficiency in the visual, J,,, and the elemental
abundances o/, for species i.

For the elemental abundances o/;, the values obtained for
the heavily depleted line of sight toward { Oph are chosen
(Morton 1974; de Boer 1981; Jenkins, Jura, and Loewenstein
1983). Note that for the carbon abundance the upper limit has
been chosen (see Table 2). This value is equal to the measured
carbon abundance in the Orion Nebula (Peimbert 1982) and
therefore is probably more appropriate for models of the Orion
photodissociation region (see Paper II). The derived lower
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TABLE 2
STANDARD MODEL PARAMETERS

Parameter Standard Model

Mo(em™3) Lot 2.3(5)
Gy et 1.0(5)
ov,(kms™) 2.7
A 3.0(—4)
= 5.0(—4)
A 7.9(—17)
A e, 7.9(—6)
A g, 2.5(—=7)
A g 1.3(—6)
Frlergsem™2s71) ..., 5.0(2)
To(K) ooeiiiiieeiieeiaiaann 75
THQOm *vererrrrrerneraeraeeaaas 3.0(-1)

e 1.0
Oy wevemee e 1.8
Kup coeeeneee e 1.8
Y 1.0(-1)
E (€V) oo 6.0

NoTe.—Numbers in parentheses: 2.3(5) = 2.3 x 10°.

limit to the carbon abundance toward { Oph is half the upper
limit (Jenkins, Jura, and Loewenstein 1983).

The infrared flux from the cloud, Fy, the emission optical
depth at 100 um, 7,40 ,m, and the dust color temperature, T,
are set from far-infrared continuum observations. The cosmic-
ray ionization rate { (see Table 10) is held fixed. In addition, the
yield Y and the threshold E, of the photoelectric effect are not
free parameters in the model calculations. They are chosen in
such a way as to balance the observed cooling in the diffuse
interstellar medium (Pottasch, Wesselius, and van Duinen
1979; de Jong 1980).

In Table 2 we list the values chosen for the parameters in the
standard model. This standard model reproduces the observa-
tions of Orion reasonably well (Paper II). Figures 7, 8, and 9
give the temperature, the heating and cooling processes, and
the molecular abundances as a function of depth for the stan-
dard model. The calculated line intensities perpendicular to the
slab are given as a function of n, and G, in Figures 10 and 11.
The effects of varying the other parameters are described in the
following section.

T T T T T T
103+ .
GAS
¥
=
102+ ¥ -
pUST ~— ~—
1 1 1 1 1 1
2 6 10
A

FiG. 7—The calculated gas and dust temperature in the standard model is
plotted as a function of the visual extinction A, into the cloud.
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FiG. 8.—{(a) The different heating terms in the energy balance are given as a function of visual extinction 4, into the cloud for the standard model (see text). (b)
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The different cooling terms in the energy balance are shown as a function of visual extinction A4 , into the cloud for the standard model (see text).
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FIG. 9.—The molecular abundances of species i, n(i)/n,, are plotted as a function of visual extinction 4, into the cloud for the standard model
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Fi1G. 10.—The emergent intensities I in the cooling lines are given as a
function of density n, in the slab. All other parameters have the standard
values of Table 2.

V. DISCUSSION

In this section the general characteristics of the photo-
dissociation regions will be described, with emphasis on the
results of the standard model (Table 2, Figures 7-9). We will
first discuss the molecular composition, then the energy
balance, and finally the intensities of the atomic fine-structure
and molecular rotational lines.

a) The Molecular Composition

i) The Abundance of Vibrationally Excited H%

At the cloud edge hydrogen is mainly in atomic form.
Because of self-shielding, the abundance of H, increases with
increasing depth into the cloud. For A4, > 2, hydrogen is
mainly in molecular form in the standard model (see Fig. 9a).

At the cloud edge the few existing H, molecules are in vibra-
tionally excited states. The abundance of vibrationally excited
H% is important because H¥ may be observable in 2 um vibra-
tional emission (see Paper II) and can dominate the chemical
production of some species (see below). The collisional de-
excitation of H is second only to the photoelectric mechanism
as a heat source for the gas.

The abundance of H is set by the equilibrium between FUV
pumping, radiative decay, and collisional de-excitation.
Because of the decrease in the FUV pumping rate, the fraction
of H, in vibrationally excited states decreases with increasing
depth into the cloud. The abundance of H} increases, however,

Go

F1G. 11.—The emergent intensities I in the cooling lines are given as a
function of the mean intensity of the incident FUV field G,. All other pa-
rameters have the standard values of Table 2.

until A, = 2 as a result of the increase in the total H, abun-
dance. The column density of H¥ in all levels with v > 1 is
4.5 x 10'® cm ™2 in the standard model. This is in good agree-
ment with the detailed results of Shull (1978), who included all
vibrational levels of H, in his calculations.

The column density of H¥ increases by a factor of 20 as the
density is increased from 103 to 10° cm 3. A higher density
results in a higher H abundance for 4, < 2. As a result, H, can
compete more effectively with the dust for the FUV photons
capable of pumping it to the B'Z} and C I, electronic states.
It should be noted that in the standard model the FUV dust
optical depth is about 2 at the position where the optical
depths in the H, lines reach unity. Therefore, a considerable
fraction of the photons shortward of 1100 A wind up heating
the dust rather than pumping H, molecules to the elec-
tronically excited states.

The column density of H¥ is also sensitive to the turbulent
Doppler width of the H, absorption lines. Lowering the
Doppler width from 5 to 1 km s~ !, while keeping the density
constant, results in a 30% decrease in the H¥ column density.
A smaller Doppler width results in significant self-shielding at
smaller column densities of the ground state H,. Consequently,
the column density of H¥ will also be smaller.

The H¥ column density is only slightly sensitive to G,. As
expected, for G, < 10%, the column density of H¥ increases
slightly with G, (a factor of 2 for a factor of 10 change in G,).
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For G, > 10 however, the H} column density decreases
slightly with G, (a factor of 2 for a factor of 100 increase in G).
This decrease in N(H%) for large G, is caused by the increased
gas temperature, which leads to greater collisional de-
excitation of H%.

Finally, N(H%) also depends on the absorption cross section
of the dust. A smaller FUV (1 < 1100 A) dust absorption cross
section implies that H, competes more effectively with the dust
for H, pumping photons. This results in a larger column
density of H%. For k; = 1 (see § Illa) the H¥ column density
increases by a factor of 3 as compared with the standard model.

ii) The C*/C/CO Transition

The abundance of C*, C, and CO show a complex behavior
as a function of A, (Fig. 9b). At the cloud edge most of the
carbon is in the form of C*. The abundance of C* decreases
steadily with depth into the cloud. The neutral carbon abun-
dance generally shows two peaks. In the standard model these
occur at a visual extinction of 3.7 and 6.5 mag, respectively.
The CO abundance reaches a first maximum around 2 mag.
Beyond 4 mag most of the carbon is in the form of CO.

This complex behavior is the result of the many competing
processes which transform C* into either C or CO. At the
cloud edge, 4, < 4 in the standard model, ionized carbon is
formed through photoionization of C. C* is destroyed mainly
through radiative recombination. The first small peak in the
CO abundance, around 4, = 2, is initiated by reactions of H%
with O which produce OH. Reactions with C* then ultimately
produce CO. Beyond A, > 3 the CO abundance starts to rise
again, because of reactions of O with the CH and CH, which
originated from the radiative association of C* with ground
state H,. The dip in the CO abundance around 6.5 mag corre-
sponds to the second peak in the C abundance and will be
discussed below.

For A, <2 neutral carbon results mainly from radiative
recombination of C*, with some contribution from CO photo-
dissociation. The abundance of neutral carbon rises in this
region because of the decrease in the photoionization rate of C.
For A, > 2 an increasing amount of C* is channeled to CH
and CH, by the radiative association with H,. These molecules
may flow to neutral carbon through photodissociation or may
flow to CO through reactions with O (see above). The latter
channel becomes increasingly important at higher A,. This
produces the decline in the C abundance for 4 < 4, < 5.
Beyond a visual extinction of 5 mag the C abundance rises
again because of charge exchange reactions of C* with S and,
to a lesser extent, SiO. Once the C* abundance falls below that
of S*, the charge exchange of S with C* produces more C than
direct recombination of C*. This can be understood by real-
izing that the more abundant S* recombines more rapidly
than C*, and every S* recombination leads to an S which
charge-exchanges to produce a C.

The main destruction mechanism for neutral carbon is pho-
toionization for A, > 7. The carbon abundance drops beyond
A, > 7 because of the reaction of C with OH to form CO. The
OH abundance increases in this region because of the decrease
in the photodissociation rate of OH.

The neutral carbon column density is about 4.5 x 10'7
cm~ 2 in the standard model, a value which is insensitive to G,.
Although for smaller G, fewer C atoms are photoionized, also
fewer molecules like CH, CH,, and CO are photodissociated
to produce C. The C column density is somewhat more sensi-
tive to the gas density ny. At ny = 2.3 x 103> cm~3 the C
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column density is about 1.6 x 10'® cm ™2, This increase in the
C column density for decreasing density is a result of the com-
petition between the different loss channels of C*. For decreas-
ing density relatively more C* is transformed to C rather than
to CO, because the C*-produced CH and CH, photo-
dissociate rather than react with O to form CO.

The column density of C* is typically about 2 x 10'® cm ™2,
It is quite insensitive to the density n, and the intensity of the
incident FUV field G,. Varying n, or G, by a factor of 10?
changes the C* column density by only a factor of 2, because
the extent of the C* region is limited by dust absorption of
FUY photons.

The C*/C/CO transition is somewhat dependent on the
assumed FUV absorption properties of the dust, and the
assumed elemental abundances of oxygen and carbon.
Decreasing the FUV cross section of the dust per H nucleus
increases the column densities of C* and C. For k; = 1 (see §
I1Ia) the C* and C column densities increase by about a factor
of 2. For a fixed oxygen abundance the column densities of C,
C*, and CO scale linearly with the carbon abundance. For a
fixed carbon abundance the column densities of C and C*
increase, while that of CO decreases, for a decreasing oxygen
abundance. This O dependence arises because of the increased
importance of photodissociation of CH and CH, forming C
and ultimately C* relative to the CH and CH,, reactions with
O to form CO. In the limiting case, when the carbon abun-
dance is larger than the oxygen abundance, neutral carbon can
become important throughout the whole cloud.

iii) The Electron Abundance

The electron abundance is coupled to the C*, S*, and Mg*
abundances (see Fig. 9a). At the cloud edge the electron abun-
dance is equal to the carbon abundance. For increasing visual
extinction the electron abundance decreases because the
attenuation of the UV flux allows C* to recombine. The elec-
tron abundance drops until it reaches the sulfur abundance at
about A, ~ 4. Sulfur has a slightly lower ionization potential
than carbon and is therefore photoionized to somewhat greater
depth into the cloud. For 4, > 5, S* recombines and the elec-
tron abundance drops to that of the (depleted) metals. The
metals have a low ionization potential and are photoionized
until 4, ~ 10. Beyond that depth the ionization is dominated
by cosmic-ray ionization of H, and He. This charge flows
quickly to molecular ions and finally metal ions through
charge transfer reactions (Oppenheimer and Dalgarno 1974).

iv) Other Molecules

The abundances of CH*, CH;, and CHJ show a distinct
maximum around A4, ~ 2 in the standard model, as O and C*
react with H¥ to produce the intermediate CH* which leads to
these molecules. In Table 3 we present column densities of
those molecules which result from reactions of H%. These
column densities depend quite strongly on the rather uncertain
rate assumed for the initiating reactions of H%. Measurements
of the column density of these species can be used to derive the
rate of these reactions. This is especially true since these mole-
cules generally have a very low abundance inside dense molec-
ular clouds, although care should be excercised to avoid
contributions from shocked gas.

The abundance of the neutral oxygen—bearing molecules,
OH, H,0 and O,, increases at great depth in the clouds. These
molecules are dissociated to much greater depth than CO
because lower energy (more penetrating) FUV photons can
cause their destruction.
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TABLE 3

EFFECTS OF VIBRATIONALLY EXCITED H, IN THE
STANDARD MODEL

Maximum Column Density
Species Abundance® (cm™2)
3.0(—5) 4.4(16)
3.6(—9) 1.8(12)
1.1(-9) 1.1(12)
1.1(=9) 32(12)

NoTE—Numbers in parentheses: see Table 2.
* The abundances are fractional number densities
relative to hydrogen nuclei.

b) The Energy Balance

i) Dominant Heating and Cooling Mechanisms

The outer cloud layers, 4, < 6 for the standard model, are
predominantly heated by the photoelectric effect on dust
grains. The contribution to the heating by FUV pumping of
H, and by photoionization of C is small (see Fig. 8a). The
cooling in the standard model is dominated by O 1 63 um
emission (see Fig. 8b). The cooling due to C 11 158 um emission
is small because of the high density and temperature in this
model (see § IT and Fig. 3).

The cooling through the O 1 63 um line (Fig. 8b) decreases
with increasing depth into the cloud because of the increased
optical depthin the O 1 63 um line (in Appendix B we describe
the escape probability formalism, which treats optical-depth
effects). The photoelectric heating drops with increasing 4,
because of the increased FUV optical depths of the dust. This
is, however, partly offset by an increase in the efficiency of the
photoelectric effect. At the edge of the cloud the grains are
highly positively charged and the photoelectric efficiency is
only about 0.1%. At the position of the maximum temperature
the efficiency is 0.7% because of the decreased grain charge
resulting from the lower intensity of the FUV radiation
field (see § 11, Fig. 6). The tendency for the heating to drop less
than the cooling results in a temperature maximum around
A, ~ 1.2

Deeper into the cloud the gas temperature drops again
because of the increased cooling through the rotational lines of
CO and H, and because of decreased heating caused by the
dust extinction of FUV radiation. For 4, > 4 the rotational
transitions of CO dominate the cooling.

For A, > 6 the gas is heated mainly by the continuum infra-
red radiation field produced by the dust. Once the gas tem-
perature drops below the equivalent radiation temperature of
the infrared background (about 50 K in the standard model;
see Appendix B), radiative excitation of the O 1 3P, level by a
63 um photon, followed by collisional de-excitation, will heat
the gas. This tends to couple the gas and dust temperatures to
each other. Other species such as H,O are unimportant
because all O not bonded in CO remains atomic to 4, ~ 10.
The CO transitions lie at submillimeter wavelengths and inef-
fectually couple the gas to the radiation field.

Gas-grain collisions can also be of some importance in the
energy balance of the gas. At the cloud edge the gas is hotter
than the dust and the gas is cooled by gas-grain collisions.
Deeper into the cloud the gas temperature drops below the
dust temperature and gas-grain collisions heat the gas. In the
standard model the gas-grain collision mechanism is never the
dominant gas heating or cooling source. For higher densities
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(no > 10° cm~3), however, it is the most important gas cooling
source at the cloud edge and the dominant gas heating source
deeper in the cloud.
ii) The Gas Temperature at Cloud Edge and the
Maximum Temperature of the Gas

The temperature of the gas initially increases with depth for
the standard model from a value of about T4, ~ 600 K at the
edge to a maximum value of about T,,,, ~ 1100 K at 4, ~ 1.2.
Comparison of the temperature structure of the different
models is understood primarily by examining the effects of
grain charge. When the grains at cloud edge are highly posi-
tively charged (G, Toza./n, > 3 x 10° K* cm?), T, increases
with increasing density because photoelectric heating increases
more rapidly with density than the cooling. Similarly, T4,
decreases with increasing G, for positively charged grains
because of the decreased heating efficiency (recall that most of
the FUYV is reradiated as infrared continuum by the grains).

If the grains at cloud edge are highly positively charged, then
the gas temperature will increase with depth into the cloud and
a temperature maximum T, ,, will be reached where the grains
are more neutral. This temperature inversion depends on the
gas density and the intensity of the incident FUYV field. For a
constant incident FUV field T,,, increases with increasing
density, as the enhanced grain-electron recombination rate
leads to higher photoelectric heating efficiencies. Increasing the
incident FUV field while keeping the density constant
decreases T4, as discussed above. At the same time it increases
T..x because the O 1 cooling is suppressed by the increased
optical depth into the cloud at which T,,, is reached. The
largest temperature inversions occur for high incident FUV
fields and low densities.

The observed emission from photodissociation regions is
very sensitive to T,,,,, and therefore we have run cases where
the constrained parameters have been varied. If the Doppler
width is increased while n, and G, are kept constant, then T,,,,
drops because of the greater escape probabilities of the cooling
transitions. In particular, using the standard model, we find
Tax = 1900 K for v, =1 km s~ !, while T,,, = 850 K for
ov; = 5km s~ T4, is not influenced by dv,, since the cooling
is optically thin at cloud edge.

The carbon and oxygen abundance also have some influence
on the temperature of the cloud. A lower carbon abundance
implies a lower electron abundance. The lower grain-electron
recombination rate results in a higher grain positive charge
and thus a lower photoelectric efficiency. As a consequence, the
gas temperature is lower. A lower oxygen abundance implies a
lower cooling rate and hence a higher temperature.

Finally, for smaller FUV absorption cross sections of the
dust per H nucleus, the gas temperature will be lower because
of the decrease in photoelectric heating.

¢) Line Intensities

The emergent intensities of the cooling lines generally
increase monotonically with the gas density and the intensity
of the incident FUV field, with the exception of the C 1370 um
and 609 pym and the C 11 158 um lines (see Figs. 10 and 11). The
atomic infrared and submillimeter fine structure lines are all
optically thin except for the O 1 63 um line, which reaches an
optical depth of a few in the photoelectrically heated region,
and the C 1 lines, which may reach an optical depth of about
unity at A, ~ 10. The low rotational lines of CO are optically
thick.

The O 163 um and 145 um, the C 1 158 um, the Si 11 35 um,
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the Fe 11 26 yum and 35 um, and the H,(2-0) [the S(0) pure
rotational transition at 28 um] lines originate in the warm
photoelectrically heated region (4, < 5). The C 1 370 ym and
609 um lines are produced deeper into the standard cloud
(A, > 4). In the absence of large-scale velocity gradients, the
CO rotational lines originate mainly from the C*/C/CO tran-
sition region (4, ~ 5), with a small contribution from the
region with vibrationally excited H% (4, ~ 2).

In interpreting Figures 10 and 11, it should be kept in mind
that the maximum gas temperature in the photodissociation
region increases with increasing n, and G,. The differences in
the behavior of the intensities of the different lines as a function
of n, and G, can then be easily understood in terms of the
critical densities and excitation energies of the levels involved
(see Appendix B and Table 4). Thus, despite their similar abun-
dances in photodissociation regions, C 11 158 um dominates at
low densities (n, < 10* cm™3), while O 1 63 um dominates at
high densities (n, > 10* cm~3) and high temperatures
(T > 100 K; see Fig. 3). Similarly, the Fe 11 and Si 11 fine-
structure lines rise somewhat more steeply with ny and G, than
the O 163 um line because of their higher excitation energies.

The C 1 370 um and 609 um lines behave somewhat differ-
ently from the other lines. They originate in the region heated
by infrared radiation and by gas-dust collisions. The tem-
perature in this region depends only slightly on the density.
The C 1 column density increases with decreasing density (see §
Va[ii]). The C 1 lines reach an optical depth of unity around
no ~ 10° cm 3. The rise of the temperature with n, then pro-
duces a maximum in the line intensities around n, ~ 10* cm 3
(see Fig. 10). The column density of neutral carbon in the
photodissociation region model is about 10 times larger than
previous calculations indicated (Glassgold and Langer 1975;
Langer 1976, 1977; de Jong, Dalgarno, and Boland 1980). Part
of this difference is due to improvements in the chemical mod-
eling, especially the inclusion of charge exchange reactions
between C* and S, and to a lesser extent SiO, and self-shielding
of neutral carbon. The rest of this difference in the column
density of atomic carbon arises because of the higher elemental
abundance of carbon in our models compared with previous
models. In recent years the elemental abundance of gas-phase
carbon, derived from UV observations of the diffuse inter-
stellar medium, has been revised upward (Jenkins and Shaya
1979; Jenkins, Jura, and Loewenstein 1983). Although inside
dense molecular clouds gas-phase species may condense out on
cold dust grains in the form of icy grain mantles, it is unlikely
that this will occur in a photodissociation region illuminated
by an intense FUV field. Furthermore, pre-existing grain
mantles would not likely survive such a harsh environment
(Tielens and Hagen 1982). The carbon depletion in photo-
dissociation regions around H m regions is therefore not
expected to be larger than in the diffuse interstellar medium or
in the H 11 regions themselves. In our standard model we have
chosen to use the measured carbon abundance in the Orion
Nebula (Peimbert 1982). The C 1 column density in the photo-
dissociation region (i.e., the cloud surface) is sufficiently large to
explain the intensities of the observed C 1 609 yum emission
toward molecular clouds (see Phillips and Huggins 1981).
Paper II and Tielens and Hollenbach (1984) discuss the C 1
emission from OMC-1 in detail.

Besides their sensitivity to n, and G,, the emergent inten-
sities depend also on the Doppler width of the lines, the FUV
opacity of the dust, and the abundances of the elements. We
examine these three parameters below.
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Changing the Doppler width from 1 to 5 km s~ ! in the
standard model, while keeping n, and G, fixed, produces varia-
tions in the emergent intensities of the O 163 um and 145 um,
the C 11 158 um, and the C 1 370 um and 609 um lines of less
than 30%. Changing the Doppler width influences mainly the
temperature of the gas. The O 1 63 um line measures the total
photoelectric heating of the gas, which is only weakly depen-
dent on the gas temperature. The other lines are optically thin
and relatively temperature-insensitive, so that they vary little
with Jv,. The Si 11 and Fe 1 infrared fine-structure lines are
somewhat more sensitive to the Doppler width, because their
relatively high excitation energies make them temperature-
sensitive. Their computed line intensities change by less than a
factor of 2 from dv; = Skms ™! to dv, = Lkms™1,

We have also calculated a model with reduced FUV absorp-
tion cross sections for the dust. Assuming a gray dust opacity
(k;, = 1) from the visual to the far-ultraviolet instead of the
mean interstellar extinction curve changes the emergent inten-
sities up to 50%. The O 1 63 um intensity increases slightly
(10%) owing to the lower gas temperature, which produces an
overall higher efficiency of the photoelectric effect. The effect
on the intensity of the C 1 and C 1 lines is somewhat larger
(~50%). This increase is caused by the increased extent of the
photodissociation region for lower FUV absorption cross sec-
tions of the dust. This results in larger C and C* column
densities and therefore larger optical depths and line inten-
sities.

Decreasing the elemental carbon abundance from 3 x 1074
to 10™* in the standard model, while keeping all other pa-
rameters constant, decreases the intensity in the C 1 370 ym and
609 um and the C 1 158 um lines by a factor of 3. This is
because the grains control FUV absorption so that the column
densities of C 1 and C 11 are proportional to the carbon abun-
dance. The elemental carbon abundance also influences the O 1
63 um intensity, because it supplies electrons in the photoelec-
trically heated region. A decrease in the elemental carbon
abundance therefore reduces the photoelectric efficiency,
although this is partly offset by the lower gas temperature. A
decrease in the elemental carbon abundance by a factor of 3
produces a change in the O 1 63 um intensity of less than a
factor of 2. The decreased temperature also produces lower
(less than a factor of 2) intensities in the Si 11 and Fe 11 lines.

Changing the oxygen abundance has little influence on the
emergent intensities. The O 1 145 um line forms an exception,
because this line is optically thin and therefore measures the
column density of O 1. A lower oxygen abundance implies that
the equilibrium between C and CO shifts toward C (see §
Vd[ii]), and the C 1 line intensities increase slightly. The Si 11
and Fe 11 line intensities increase somewhat for lower O abun-
dance because of the higher gas temperature.

d) Uncertainties in the Chemical Network

Because the computed results of our rather restricted chemi-
cal network differ considerably from the results of previous
studies, it is of particular interest to assess the accuracy of our
network. Such an evaluation is, of course, also of interest for
the comparison of the computed line intensities with the obser-
vations.

Following the “thermal” model calculations, which
compute the thermal balance, the chemical equilibrium (using
a restricted chemical network), and the radiative transfer in the
lines, we have recalculated, using the temperature structure
from the thermal model, the chemical abundances as a function
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of depth in a number of model clouds with a more extended
chemical network. This network is based on the compilation of
Prasad and Huntress (1980). It includes 1533 reactions between
145 species. Self-shielding by C and H, has been taken into
account. Reactions of H¥ have been excluded. A more exten-
sive discussion of the equilibrium chemical model is provided
in Tielens and Hagen (1982). The input parameters for these
calculations (e.g., ng, Gy, T, 4,, the carbon column density,
and the self-shielding factor § for photodissociation of H,) are
taken from the thermal model calculations. In the subsequent
discussion we will concentrate mainly on the C*/C/CO tran-
sition, where differences from previous calculations are most
important, but we will also discuss H, formation and CO self-
shielding.
i) C*/C/CO Chemistry

In the standard model the abundances of C*, C, and CO in
the extensive chemical model generally agree to +20% accu-
racy with their respective values in the thermal model. They
never differ by more than a factor of 2 in the regions of interest,
with the exception of the region around 4, ~ 2, where reac-
tions of H¥ dominate the chemistry. These reactions are not
included in the extensive chemical scheme. The calculated
column densities agree to within 10%, since differences
between the two models tend to cancel as a function of depth.

This assessment of the accuracy of the calculated abun-
dances and column densities in the standard model does not
take into account the uncertainties in the rates of the key reac-
tions involved. It should be emphasized that the chemistry is
dominated by photoionization and dissociation of atoms and
molecules. The column densities of many species therefore
depend directly on the penetration depth of FUV photons into
a cloud, i.e., on the FUV extinction properties of the dust and
the self-shielding of H, and C (photoionization of C is impor-
tantto 4, ~ 7).

ii) H, Formation on Grains

If the grain temperature is higher than a critical temperature
(~75 K), then H, formation on grain surfaces will be inhibited
(§ IIId and Appendix C). In that case an H atom on a grain
surface evaporates before it can react to form H,. In order to
assess the importance of H, formation on grains, we have
recalculated the standard model, excluding H, formation on
grains. Because the H ™ -initiated gas-phase H, formation
mechanism is less effective than the grain-surface reaction rate
assumed in the standard calculation, the H, abundance is sup-
pressed and the hydrogen becomes molecular deeper into the
cloud. This has, however, no major consequences for the emer-
gent intensities in the infrared atomic fine-structure lines. It is
reflected only in N(H%). N(H%) decreases by more than 2 orders
of magnitude, basically because the dust absorbs most of the
photons capable of exciting H,. Because N(H%) inferred from
the observations of the H, 1-0 S(1) line in Orion is in reason-
able agreement with the model calculations with grain-surface
formation of H, (Paper II), we conclude that H, formation on
grain surfaces in the parameter space studied here proceeds at
a rate comparable to that in diffuse clouds.

iii) CO Self-shielding

We have recalculated the standard model including CO self-
shielding in the manner described in Appendix C. As expected,
the major change occurs in the CO and C abundances. Rela-
tively more C* is converted to CO rather than to C. As a
result, the emergent intensity in the C 1 609 um line decreases
by a factor of 2. This would make it somewhat difficult to
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explain the intensity of this line observed toward Orion (Paper
IT). The emergent intensities of the other infrared fine-structure
lines do not change by more than ~20%.

VI. SUMMARY

We have theoretically modeled the chemistry and heat bal-
ance of dense (10° cm ™3 < ny < 10° cm™3) neutral gas illumi-
nated by FUV flux G, = 103-10° times as intense as the
ambient interstellar field. The intense FUV fields have a dra-
matic effect on the structure and line emission from these
regions. The FUV dominates the chemistry and heating as
deep as 4, ~ 10 into the molecular clouds. Molecular clouds
typically have column densities in the range 2 x 10?2 cm ™2
(4, ~ 10) to 2 x 10** cm~2 (4, ~ 100) and, therefore, photo-
dissociation regions include a significant volume and mass of
the dense opaque clouds. They also lie adjacent to possibly
shock-compressed molecular regions (4, ~ 20) where massive
star formation may be proceeding (Elmegreen and Lada 1977).
More important, a major fraction of the FUV photons emitted
by the stars are absorbed by dust in photodissociation regions
and transformed into infrared radiation. A small fraction of
this energy is tapped by the gas through the photoelectric ejec-
tion of electrons from grains, and is reradiated in infrared fine-
structure lines.

The models are intended primarily for the FUV-illuminated
neutral gas between H 1 regions and molecular clouds like
those in Orion (Paper II), but they also apply to neutral shells
around planetary nebulae, bright-rimmed molecular clouds,
reflection nebulae, regions around protostars, and the center of
the Galaxy, and to global studies of external galaxies. The
models relate line and grain continuum emission from these
regions to interesting physical parameters such as gas density,
turbulent line widths, FUV flux, dust FUV opacity, and ele-
mental abundances.

The main conclusions and results for one-dimensional
models of intense FUV flux incident on plane-parallel photo-
dissociation regions are as follows.

1. Although the bulk of the FUYV flux is absorbed by grains
and reradiated as infrared continuum, a fraction € ~ 107 2—
1073 heats the gas through the photoelectric heating mecha-
nism and emerges as C 11 158 um or O 1 63 um line flux. This
value is consistent with observations of photodissociation
regions near H 11 regions (Table 1). The heating efficiency €
decreases with increasing G, and decreasing n, because of the
effect of positive grain charge on the photoelectric heating
mechanism. As an application of this result, we note that many
stellar photons in dusty spiral galaxies are absorbed by the
interstellar gas and dust, and most of this absorption occurs in
atomic photodissociation regions. The absorption is primarily
by dust, and more than 99% of the absorbed FUYV radiation is
converted into far-infrared continuum. The remaining (< 1%)
FUYV energy flux is converted into gas heating and thereby
far-infrared and submillimeter line radiation such as O 1 63 um
and 145 ym, C 11 158 pum, C 1370 ym and 609 um, and low-lying
rotational transitions of CO (see recent observations by Craw-
ford et al. 1985).

2. At the cloud surface (4, less than a few) the dominant gas
heating mechanism is photoelectric heating, and the gas tem-
perature greatly exceeds the grain temperature (for example,
for Orion-like conditions, T, ~ 100-1000 K and T,, ~ 75 K).
Heating by the collisional de-excitation of vibrationally excited
H, is also significant at high densities. The H, vibrational
excitation arises from an FUV pumping mechanism. Deeper in
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the cloud, where the FUYV flux is greatly attenuated and the gas
temperature drops below the grain temperature, the collisional
deexcitation of O 1 excited by the absorption of 63 um contin-
uum from dust grains is an important heating mechanism, as
are direct H,-grain collisions.

3. We predict approximately an order of magnitude greater
column density of warm C 1 in the photodissociation region as
compared with previous models. This result is due to the inclu-
sion of a higher gas-phase elemental abundance of carbon,
sulfur and silicon chemistry, and self-shielding of atomic
carbon. This result is rather insensitive to the FUV flux and gas
density. For example, N(C 1) = 2 x 10'® and 5 x 107 cm™2
for n, = 10% and 10° cm 3, respectively. A future paper will
treat C 1 abundances for ny < 103 cm ~3, where a more compli-
cated sulfur chemistry is required. The large C 1 column den-
sities which emerge from our models strongly suggest that the
observed C 1609 um emission may generally arise from molec-
ular cloud surfaces, and not from their interiors as has been
previously suggested.

4. Photodissociation regions adjacent to H 11 regions glow
brilliantly in the infrared and radio. The observed far-infrared
continuum (see Werner et al. 1976), and such lines as O 163 ym
and 145 ym, C 11 158 pum (see Table 1 and § I), C 1609 um (see
Phillips and Huggins 1981), low-lying CO rotational tran-
sitions (see Loren 1979; Phillips et al. 1979; Thronson and
Lada 1983), extended H, 1-0 S(1) (Treffers 1983), C 1 9850 A
(Miinch and Hippelein 1982), and C 11 recombination tran-
sitions (see Palmer et al. 1967; Dupree 1974; Boughton 1978;
Brown, Lockman, and Knapp 1978) all may originate in the
photodissociation region (see Paper II for explicit model of
OMC-1).
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5. The line and grain continuum intensities constrain inter-
esting physical parameters and test chemical reaction schemes
in the interstellar medium. (a) The grain continuum measures
the FUV flux G,. (b) The O 163 um, C 11 158 um, and the grain
continuum fluxes probe n,, T, n,, and the carbon abundance.
The O 1 63 um is moderately optically thick, so that the peak
intensity provides a measure of the gas temperature. The ratio
O 163 um/C 1t 158 um is sensitive to gas density and tem-
perature; in particular, large values of this ratio (> 1) indicate
high densities, n, > 10* ¢cm ™3, and temperature T > 100 K.
The ratio (O 1 63 um + C II 158 um)/F,; measures € and is
sensitive to the parameter y oc G, T°5/n,. The C 11 158 um
intensity, taken with the C 1 370 um and 609 pum intensities,
probes the carbon abundance and the FUYV opacity of the dust
grains. (c) The Fe and Si fine-structure lines, as yet unobserved,
are sensitive to temperature and to the gas-phase abundances
of these elements. (d) Line emission from photodissociation
regions provides interesting constraints on chemistry in the
interstellar medium. The FUV—pumped 1-0 S(1) emission from
H, probes the formation rate of H, on warm dust grains. The
detection of CH", CH; or CH; will determine the reaction
rate of H¥ with C*. As discussed in item 3 above, the interpre-
tation of the C 1609 um observations affects our understanding
of the chemistry of molecular clouds.

We have benefited from discussions with R. Genzel, D.
Watson, and M. Werner. We would like to thank the
Astronomy/Relativity Branch at NASA Headquarters for their
support under NASA RTOP 188-41-53.

APPENDIX A
GAS HEATING MECHANISMS

I. PHOTOELECTRIC EMISSION FROM DUST GRAINS

Absorption of a FUV photon by a dust grain can give rise to the emission of an electron. The energy difference between the
photon energy and the work function of the grain will be carried away in the form of kinetic energy by the electron. The difference
between this heat input to the gas and the effective cooling when an electron with energy ~kT recombines with a grain usually
results in a net heating of the gas.

Because the work function of the grain depends on its charge, the calculation of the net photoelectric heating rate is somewhat
involved. Following de Jong (1977, 1980), we write for the net photoelectric heating rate

I, =0.5¢n;0,) YAigdFYe "[(1 — x)%/x + x,(x? — 1)/x*] , (A1)

where n,, 6, and Y are the number density, FUV cross section, and photoelectric yield of the dust grains, 4y is the wavelength
corresponding to the hydrogen ionization limit, and {F) is the mean ultraviolet flux per unit wavelength incident on our slab. The
exponential factor describes the attenuation of the radiation field by dust absorption. The factor in brackets takes into account the
effect of the neutral work function of the grain, the grain charging, and the electron recombination. The charge parameter x is
discussed below. Inserting numerical values in equation (A1), we find
[, =27 x 107255,,8,n9 YGge (1 — x)?/x + x,(x*> — 1)/x*] ergs cm 3 s~ ! . (A2)

Here 9, is the ratio of the geometrical cross section of the grains that absorb in the FUV to that of the grains that absorb in the
visual, J, is the ratio of the dust abundance in these regions to that in the diffuse interstellar medium (we assume that {(n,0,> =
5 x 107%%nd,, 8,), n, is the hydrogen nucleus number density, G, is the mean FUV flux incident on the slab in terms of that in the
diffuse interstellar medium (Habing 1968), and k,, is the effective ratio of FUV optical depth to 4, (see § I11a).

Equating the photoelectric emission rate with the electron recombination rate of the grain yields an equation for the grain charge
parameter x (de Jong 1977):

X0 =X+ Yx*—y =0, (A3)
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where x = vo/vy, X, = kT/hvy, and x, = v,/vy. Here T is the gas temperature, hv, is the photoelectric threshold energy for the
neutral grain material, and hv, is the energy barrier which an electron has to overcome, including the grain-charge effect. The grain
charge, Z,, is then given by

Z; = (x — xhvya/e? , (A4)

where a is the grain radius.
The unitless parameter 7 is given by

y =29 x 107*YT%3G, e Fwhp 1 | (AS)

where n, is the electron density in cm ~2 and T is in K.

The photoelectric yield Y and threshold energy hv, depend on the grain material and the size of the grain particle (Watson 1972).
Following de Jong (1980), we will assume Y = 0.1 and hv, = 6 eV. These values give a photoelectric heating rate of the diffuse
interstellar medium in agreement with the cooling rate derived from observations of FUV resonance lines of C* (Pottasch,
Wesselius, and van Duinen 1979).

Il. CARBON IONIZATION
The heating rate due to photoionization of neutral carbon atoms is given by

I', =22 x 107 229(C)G, exp (—2.44, — 1, — th/nv?)1 + tb/nv?) ' ergscm 3 s 1, (A6)

where n(C) is the neutral carbon density. The first exponential factor in this equation describes the attenuation by dust absorption
(Black and Dalgarno 1977), the second describes attenuation by self-absorption of C (Werner 1970), and the last describes
attenuation by H, (de Jong, Dalgarno, and Boland 1980). The unitless parameters in this expression are given by

7. = 107Y'N(C), =12 x 10" *“NMH,)dv; !, b=92x 1036, ", v; =5 x 10%5p; ', (A7)
where N(C) and N(H,) are the column densities of neutral carbon and H,, and 6, is the turbulent Doppler line width in kms™*.

1. H, PHOTODISSOCIATION

The pumping of H, molecules by photons in the Lyman and Werner bands can heat the gas through photodissociation. This
occurs for about 10% of the pumps, when the radiative decay from the excited electronic state leads to the vibrational continuum of
the ground electronic state, as originally suggested by Solomon (see Field, Somerville, and Dressler 1966) and calculated by Stecher
and Williams (1967). The total FUV pumping rate R, and the heating rate associated with photodissociation are given by

R =34 x 107 1°8(1)Gye 234 571 | (A8)

pump
and

I3 =136 x 107 23n(H,)B(t)Gye 24 ergscm s~ !, (A9)

where n(H,) is the number density of H, molecules in the ground state, and the exponential factors take dust absorption of FUV
photons into account.

When photon absorption is dominated by the Doppler cores or the Lorentz wings (t > 10), then the self-shielding factor is given
by

B(x) = {t7[In (z/\/m)] %% + (b/7)°*} erfc (tbn~'vy 3)°2, (A10)

where 1, b, and v, are given by equations (A7). In this expression line overlap has been taken into account (de Jong, Dalgarno, and
Boland 1980). On the linear part of the curve of growth, the self-shielding factor is given by (Shull 1978)

[ee) ( —_ l)n,[n

pr) =%

—_— All
WS nl(n + 1)2pm? (AlL)

The latter equation for §(z) is used for ¢ < 10.

In our calculation we have treated the ground electronic state of H, as having a ground vibrational and a single excited
vibrational state. The effective quantum number of this pseudolevel is v = 6, and the effective energy is E, = 2.6 eV (London 1978).
This vib-rotationally excited level is treated as a separate molecule in the chemical equilibrium. Vib-rotationally excited H¥ can be
FUYV pumped and dissociated. The rate for this process is also given by equation (A8). The optical depth in this case is evaluated by
assuming that the H¥ is divided equally over all vibrational levels. H¥ can also be dissociated directly by absorption of a FUV
photon with a rate (Shull 1978)

R=10"1!1Gye 234 g1 (A12)

IV. FUV PUMPING OF Hz MOLECULES

About 90% of the Lyman-Werner band absorptions are followed by decay to vib-rotationally excited levels in the ground
electronic state. Collisional de-excitation then leads to heating of the gas. We approximate the complicated cascade process with our
single excited pseudovibrational level. The heating rate associated with this process is given by

Ty = [n(Hyg, + n(Hy)y2In(HYE, , (A13)
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where n(H%) is the number density of H¥ molecules. The colllslonal de- exmtatlon rate coefficients (for transitions from the pseudo—
v = 6 to v = 0 which, 1n reahty, tend to occur in steps of Av = 1) y*o and 732 are assumed to be equal to one-sixth of the v = 1 to
v = O rate coefficients yt, and y}2 (London 1978). These rates are given by (Hollenbach and McKee 1979)

P = 1071273 exp (—1000/T) cm3 s~ 1,
P2 = 1.4 x 10712T°5 exp {—[18,100/(T + 1200)]} cm3 s~ ! . (A14)
The H% can also radiatively decay to the ground state with an effective rate R = 2 x 1077 s~ ! (London 1978).

v. H, FORMATION

The chemical energy stored in the gas upon photodissociation of H, becomes available as heat when two hydrogen atoms
recombine. Formation of H, molecules on a grain surface will result in a molecule in a highly excited rotational and vibrational
state. Part of the formation energy may flow into center-of-mass translational motion which can cause ejection of the vib-
rotationally excited molecule into the gas phase. The excess kinetic energy of the H, molecule will heat the gas. Collisional
de-excitation of the vib-rotationally hot H¥ molecule will also heat the gas (see above).

Theoretical calculations indicate that this latter process may be important (Hollenbach and Salpeter 1970; Hunter and Watson
1978). However, these calculations minimize the transfer of energy to the grain surface. Recent matrix isolation studies on energy
transfer in low-temperature solids (Legay 1978; Bondeybey and Brus 1980) suggest that most of the vib-rotational energy will be
transferred to neighboring molecules through multipolar-multipolar interactions or will flow into local rotational modes (Tielens
and Hagen 1984). It is therefore possible that the H, molecule will thermally evaporate in the ground vibrational state. Since, in
equilibrium, nine molecules are pumped for every molecule formed or destroyed, the formation heating must in any case be small
compared with the sum of UV pumping and photodissociation heating. To be conservative, we have not included the ejection of H%
after formation on grain surfaces as a heating source or a source of H¥ in our calculations.

VI. HEATING DUE TO GAS-GRAIN COLLISIONS

There are two ways in which the FUV radiation field can heat the gas through the grains. First, radiation pressure will accelerate
the grains relative to the gas and produce a viscous heating term due to gas drag. We find that the grain acceleration time scale is
short compared with other time scales, and the grains are moving at their local drift velocity v,. Basically, all the momentum gained
by the grains through radiation pressure is transferred to the gas by, mainly Coulomb drag. Typically, the steady state drift velocities
v, (see Spitzer 1978) are small (< 10% cm s~ *) in our calculations, and no significant gas-grain separation will occur. The heating due
to the grain drift is then

T, = 8me*n, ZG(kT)™'(In Ajo,[n(C)G(yc+) + n, G(y)] (A15)

where n, is the grain number density, Z, is the grain charge, n(C*) and n, are the C* and electron number densities, and the
functions A and G are given by

A = 1.5Z; e 3(kT)!5(nn,) "5 , (A16)

1 2 )
G(y) = 37 l:erf( )y — o5 ye :I s : (A17)

where y = v,/v,,, and v, is the thermal velocity of the ion or electron.
The second method of energy exchange between gas and dust is through the dlﬁerence in their temperatures. For the heating rate
of the gas we can write (Hollenbach and McKee 1979; Burke and Hollenbach 1983)

I'ey, = [n(H) + n(H,)In, 0404 &2k T, — 2kT) , (A18)

where 7y is the thermal speed of H atoms and &; measures the accommodation effects. We have used a; = 0.3, appropriate for
molecular gas at T ~ 100 K colliding with grains at T; ~ 100 K. Inserting numerical values, we find

T, = 3.5 x 10734025, TO5(T; — T) ergscm 3 s~ !, (A19)

Note that the gas is cooled by this process when T' > T,.
The dust temperature follows from the balance between photon absorption and emission.

a? J Q. (B, T)dv = na® J Q. (VF()e "My + 4na® J Q. (nJ (dv . (A20)
0 0 0
The last term describes absorption from the infrared emission of the dust. In this equation Q,(v) is the absorption efficiency of the
dust and J 4(v) is the mean radiation field due to dust. We will assume that
Q. (v)=v/1013 571, v< 10357t
=1, v> 1013571, (A21)

and that the dust emission is characterized by a constant temperature T, and a total emission optical depth 7, = 7,40 ,m(100 um/2),
where 7,00 ,m i the 100 um emission optical depth. This yields the following equation for the dust temperature:

Ty = (5.6 x 107Gge™ "#4 4 3.4 x 102T§ 7,00 m)®2 K . (A22)
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VII. COSMIC-RAY HEATING

Tonization by cosmic rays produces energetic electrons. About 8 eV of heat is deposited per primary ionization in a molecular gas
(Glassgold and Langer 1973; Cravens and Dalgarno 1978). In the atomic gas cosmic-ray heating is of no importance. Including
helium ionization, we find for the heating rate

I, =15x 10" ¢nH,) ergscm 35!, (A23)
where ( is the cosmic-ray ionization rate per H, molecule.

VIII. HEATING BY O 1

The heating by the collisional de-excitation of the infrared-pumped 3P, fine-structure level of O 1 is treated in Appendix B, under
the discussion of atomic cooling.

APPENDIX B
RADIATIVE COOLING

I. BASIC EQUATIONS
The radiative cooling rate due to a transition from level i to level j of some species x is given by

Ax(vij) =n; A hvu ﬂese lj {[Sx(vu P(vlj)]/S (vij)} (BI)

where n; is the populatlon density of species x in level i, 4;;is the spontaneous transition probability, hv;; is the energy difference
between levels i and j, 7;; is the optlcal depth averaged over the line, and B.(t;;) is the escape probability at optical depth t;; of the

line. The source function S(v;;) is given by
2} (g, -t
Sdv) == (g i 1> : (B2)

gini

where g; and g; are the statistical weights of the levels. The background radiation P(v;)) consists of two terms, the 2.7 K microwave
background and the infrared emission of dust at a temperature T, and with an emission optical depth 7,(v;).

P(v,) = B, T = 2.7 K) + tv) B0y, To) . (B3)
The level populations follow from solving the equations of statistical equilibrium (see de Jong, Dalgarno, and Boland 1980).
nZRw—Zn&” (B4)
Jj#i

where [ is the total number of levels included and
Rij= AijBeseti)(1 + Qi) + Cyj, i>j

. B5
Rij = (9j/9)4;i Bes1)Qji + Cij s 1<j. B3)
Here C;; is the collisional rate from level i to level j. The background radiation is contained in the Q,;,
2
¢
Qi = 33 P (B6)

The set of [ statistical equilibrium equations is not independent, and one of the equations has to be replaced by the conservation
equation

1
=Y n, (B7)
j=0
where n, is the number density of species x in all levels.

The optical depth averaged over the line is given by

429 dz
1j( ) 87'[Vij J‘ l( )l: i(zl)gj— ilévd (B8)

where the integration is carried out from the surface of the plane-parallel cloud (z = 0) to depth z. Following de Jong, Dalgarno, and
Boland (1980), the probability that a photon escapes through the nearest boundary is approximated by

_ 1—exp(—2347)
ﬂesc(‘[) - 4681'

T
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TABLE 4
AToMIC FINE-STRUCTURE DATA
LEVEL E A A n. N}
SPECIES g u K) (um) ™Y a b* (cm™3) (cm~2)  Reference
Two-Level Species
C: ........... zPl,z sz 92 157.7 2.4(—6) 5.8(— 10) 0.02 2.8(3) 1.2(21) 1,2
Si* i P, 2Py, 414 348 22(—4) 6.5(— 10) 3.4(5) 4.6(23) 3
Three-Level Species

C oo, 3p, 3p, 236 610 7.93(—8) 13(—10) 0045 470 4.2(20) 4
3P, ’p, 38.9 370 2.68(—7) 7.8(—11) 0.035 2.8(3) 1.0(21) 4
3p, 3p, 625 230 20(—14)  20(—10) 0084  63(—5)  1.9(28) 4

(O ’p, 3P, 228 63.2 8.95(—15) 4.2(—12) 0.67 4.7(5) 1.0(21) 4
3P, 3p, 98 145.6 1.70(-5) 1.5(—10) 0.44 9.5(4) 7.8(20) 4
°p, P, 326 44.0 1.0(—10) 1.1(—12) 0.8 9.7(—1) 8.0(27) 4

i, 3P, 3p, 111 1296  825(—6)  3.5(—10) 2.4(4) 1.6(23) 3
3p, 3p, 210 685  421(-5)  50(—10) 8.4(4) 3.8(23) 3
3P, p, 321 44.8 3.56(—10) 1.7(—10) 2.1(0) 4.5(29) 3

S ’p, 3p, 571 25.2 1.39(—3) 7.5(—10) . 1.9(6) 6.4(22) 3
’p, 3P, 255 56.6 3.02(—4) 4.2(—10) .. 7.2(5) 4.7(22) 3
3p, 3p, 826 174 671(=8)  7.1(—10) 9.5(1) 1.2(28) 3

Fe® .ooooo.... 5D, D, 595 242 2.5(—3) 8.0(—10) 3.1(6) 9.9(23) 3
5D, D, 415 347 1.6(—3) 5.3(—10) . 3.0(6) 5.7(23) 3
°D, °D, 1010 14.3 1.0(—10)¢ 6.9(—10) 1.4(—1) 1.7(32) 3

Fe*te ........ 6D9/2 5D7/2 554 26.0 2.13(-3) 9.5(—10) . 2.2(6) 9.1(23) 3
D,  °Ds, 407 354.  1.57(=3)  47(—10) 3.3(6) 52(23) 3
Dy, D5, 961 150)  1.5—9) 5.7(~ 10) 2.6(0) 9.0(30) 3

NoTe.—Numbers in parentheses: see Table 2.

* Collisional de-excitation rate coefficients for atomic hydrogen collisions given by yy = aT’cm3s ™.

® N. is the column density of hydrogen nuclei requ ired for unit optical depth in the line, assuming abundances from Table 2 and that
all of the given element is in the lower level (see text).

¢ Only the lowest three fine-structure levels were t;aken into account.

4 Our estimate.

REFERENCES—(1) Launey and Roueff 1977a;(2) Flower and Launay 1977; (3) this work; (4) Launay and Roueff 1977b.

In these formulae it is implicitly assumed that half; of the photons, those that are emitted into the semi-infinite slab, do not escape.
Because all opacity is assumed to be local in the e‘scape probability formalism, these inwardly directed photons do not contribute to
the cooling. This is incorrect if the optical depth is small inward through the cloud, and, as a consequence, the cooling rate will be
underestimated. This has, however, no serious cronsequences for the calculated models because the cooling is dominated by the O 1
63 yum and CO lines. These lines are optically ‘thick through the cloud, and the assumption that the opacity is local should give
reasonable results.

Given n,, Ty, 14v), and 1;;, we can solve thre statistical equilibrium equations (B4) and (B7) iteratively for the level population
densities. These can then be used to calculate t'he source function (egs. [B2]) and the cooling rate (eq. [B1]).

Note that if the source function is less than the background radiation field, the transition heats the gas. For an infrared transition
in a two-level species, this occurs for

21

-1
T< To[l - :VT" In (‘c,,)] . (B10)

Inserting Ty = 75 K, 1, = 0.3, and v,, = 4.8 x 10'2 57! (1 = 63 um), we find T < 53 K. For submillimeter lines this inequality is
given by T < T, 7,. Inserting T, = 75K and 1, = 0.3 yields T < 23 K.

II. COOLING BY ATOMIC FINE-STRUCTURE LINES

A predominantly atomic gas is coolec] by atomic infrared fine-structure lines for temperatures less than about 1000 K. Table 4 lists
the transitions included in the models. "The collisional de-excitation rate coefficients yy for collisions with atomic hydrogen are given.
We assume yy = yy,, except for C*, w'here we take yy, = 3.1 x 1071°T%! cm? s~ 1. We also give the critical density n., above which
collisional de-excitation becomes imp ortant, calculated assuming that the upper and lower levels form a two-level system, so that

Nee = Azy/7n - (B11)

In order to estimate when optica'-depth effects become important, we have calculated the equivalent column density of hydrogen
nuclei N (v;;) needed to reach a line:-center optical depth of unity in the fine-structure transition i — j for species x. This calculation is
performed using the abundances in Table 2 and assuming that all of the given element is in the j-level of the respective atomic or
ionic species. The column density N (v;;)is then given by

. 8ndvyg; 1 6.8 x 108 g, /1 um\? v, _
N(x)=——=%4 — = Zi 2 B
O = g Ay, g\ 4 ) \27kms 1) ™ (B12)
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where o/, is the elemental abundance of species x and 4,;is in s~ *. Note that N, is about the same for O 163 um and C 11 158 um, but
that O 163 um becomes optically thick more readily because the high statistical weight of the ground state ensures a high fraction of
O 1in this lower level.

Some insight into the analysis of the intensity of the fine-structure lines can be gained by considering a two-level atom in a
plane-parallel, uniform density and temperature slab. For simplicity assume that n, > n,, so that the level populations are in LTE.
The optical depth 7(z) can be found by integrating equation (B8) to yield

1(2) = Ay, c3ny z[exp (hv,/kT) — 1]/(8nv3, dv,) . (B13)

The emergent intensity on the front surface of the slab, perpendicular to the slab and integrated over the line, is given by
I=Q2n)! J A(z)dz' . (B14)
0

The factor 2z takes into account the fact that the photons escape only into one hemisphere. If background radiation is neglected and
equation (B1) is used, this becomes

I = B(T)W(dvy/c)f(7) , (B15)
where f(7) is given by
f()=2 j B(z)dr . (B16)
0
For 7 < 7 this can be integrated using equation (B9), to yield
f(z) = 0.428[E,(2.347) + In (2.347) + 0.57721] , (B17)

where E, is the exponential integral tabulated by Abramowitz and Stegun (1973). For © < 1 this becomes f(z) = 7, and the intensity
is given by

I=A4,N,hvy,/(4m) , (B13)

where N, is the column density in the upper state. For large optical depth the logarithm in equation (B17) dominates (the
logarithmic part of the curve of growth).

III. COOLING BY MOLECULAR ROTATIONAL LINES

For temperatures less than a few hundred degrees, a molecular gas is cooled mainly by infrared and millimeter rotational lines.
For CO, the dominant molecular coolant, we have solved the equation of statistical equilibrium for the first 20 rotational levels. We
have used the analytical formula of de Jong, Chu, and Dalgarno (1975) for the collisional de-excitation rates.

The rotational cooling of the molecules CH, OH, and H,O and the vib-rotational cooling of H, are calculated using the
analytical formulae of Hollenbach and McKee (1979). The collisional de-excitation cross sections for OH, CH, and H,O are
assumed to be equal to 3 x 107 '® cm? (McKee et al. 1982). It should be noted that in these analytical formulae the background
radiation field is neglected. This tends to overestimate the actual cooling rate by about a factor of 2, which is about the level of
accuracy of the analytical approximations. There are no serious consequences for the energy balance, because the contribution of
these molecules to the total cooling rate is small.

v. 016300 A anDp H 1 Lya COOLING

At high temperatures (T > 5000 K) an atomic gas is mainly cooled by excitation of the metastable D level of atomic oxygen and
the 2 2P level of atomic hydrogen. The cooling rate due to O 16300 A emission is given by

AO 1) = 1.8 x 107 2*n(O)[n(H) + n(H,)]e 228°%T ergscm 3 s !, (B19)

where n(O) is the density of atomic oxygen and the de-excitation cross section has been taken from Federman and Shipsey (1983).
The cooling by Lya is given by (Spitzer 1978)

AMH 1) =73 x 107 °n, n(H)e 118400/T ergg cm =3 s~ 1 . (B20)

APPENDIX C
CHEMISTRY

In our chemical network we have included reactions between 41 species: H, He, C, O, Si, S, Mg, Fe, H,, CH, OH, SiH, CO, O,,
SiO,CH,,H,0,e ,H*,He*,C*,0"%,Si*,S*, Mg*,Fe*,H;,CH*, OH",CO"*, SiO*,H{, CHJ, H,0%, SiH;, HCO*, HOSi",
CHJ, Hf, H™, and H%. We have taken into account photodissociation and ionization reactions (Table 5), ion-molecule reactions
(Table 6), radiative and dissociative electron recombination reactions (Table 7), neutral-neutral reactions (Table 8), reactions of H%
(Table 9), cosmic-ray ionization reactions (Table 10), charge exchange reactions (Table 11), radiative association reactions (Table
12), reactions of negative ions (Table 13), reactions with activation energies (Table 14), and H, formation on grain surfaces. The
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TABLE 5
PHOTOIONIZATION AND DISSOCIATION REACTIONS?®

Reaction a b
C -»C" + 2.1(—10) 2.6
Mg — Mg* + 44(—-11) 14
S - St + 3.9(—-10) 2.5
Si - Sit 4+ 1.2(-9) 1.6
Fe — Fet + 1.0(—10) 23
CH — CH' + 3.2(—-10) 3.0
CH - C + 2.7(—10) 1.3
CH, - CH + 5.0(—11) 1.7
CH, — CHj + 1.0(-9) 2.3
CH* - C* + 1.8(—10) 2.8
CH; - CH* + 1.7(-9) 1.7
CH; — CH; + 1.0(—9) 1.7
CH; —» CH™" + 1.0(-9) 1.7
Hy —H + 2.6(—10) 1.8
Hy —-H; + 7.9(—9) 2.3
H - H, + 2.0(—38) 1.8
H, —-H + 34(-11) 2.5
o, -0 + 3.3(—10) 14
OH —- O + 2.2(—10) 2.0°
CO - C + 1.4(—11) 32
H,0 - OH + 5.1(—10) 1.8
SiO — Si + 0 ....... 1.0(—10) 2.3

NoTe.—Numbers in parentheses: see Table 2.

* Reactions from Roberge, Dalgarno, and Flan-
nery 1981 and Black and Dalgarno 1977, except
where noted.

® Van Dishoeck and Dalgarno 1984.

reaction rates are given in these tables in the format

k = a(T/300)® exp (—¢/T) cm® s~ !, (C1)
where T is the gas temperature. The exceptions are the photodissociation and ionization reactions, which are given in the format
k=aGyexp (—bA,) s, (€2

where A, is the visual extinction. For those species with an ionization or dissociation energy larger than 11.3 eV (1100 A), we have
taken into account absorption of FUV photons by H, and by neutral carbon (see eqs. [A6] and [A7]).

In order to study the effects of CO self-shielding, the CO photodissociation rate is multiplied by the factor [1 + aB(tco)]/(1 + ),
where the CO optical depth is given by

-1

oo = L1 x 10*14N(c0)<5‘&-) . (C3)
v,

The self-shielding factor f(zco) is given by equations (A10) and (A11). The parameter « measures the importance of CO photo-

dissociation in discrete lines. Generally, we ignore self-shielding (« = 0).

We have ignored grain-surface reactions, except for the formation of H,. Although some gas-phase species (e.g., H,CO and NH,;)
may be mainly synthesized on grain surfaces (Tielens 1983), it is generally believed that the “simple ” molecules and ions (e.g., CO
and OH) are formed mainly in the gas phase (Watson and Walmsley 1982). Furthermore, it should be noted that grain-surface
reactions will proceed only for grain temperatures less than a critical temperature. This inequality guarantees that the evaporation
time scale of a radical will be longer than the time scale for collisions between gas-phase radicals and a grain. For species like O, C,
and CO this critical temperature is about 30 K (Tielens and Hagen 1982).

The critical grain temperature for the formation of H, is somewhat more difficult to estimate. Recent calculations of interstellar
grain-surface chemistry show that H, can be formed by H abstraction from molecules such as H,S, N,H,, N,H,, and H,CO rather
than by direct H atom recombination. In a sense, these molecules act as enhanced binding sites for H atoms (Tielens and Hagen
1982). The critical grain temperature for H, formation by H abstraction on a perfect surface is given by

Eg/k
T'Cl' ~ -1 0.5 4
2wh™'(2mE))?> — 0.5 In (N) — In (f})

where Ejg is the physical adsorption binding energy of a hydrogen atom to the surface, E, and w are the height and width,

respectively, of the energy barrier associated with the H abstraction, m is the hydrogen mass, f; is the fraction of sites from which H

abstraction can take place, and N is the total number of sites on the grain surface. Inserting Eg/k = 750 K, E_/k = 1000 K, w =1 A,
N = 10% andf, = 10”2 wefind T,, ~ 75 K.

For an imperfect grain surface, migrating H atoms will be scattered by surface imperfections. This will increase the surface

(C4)
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TABLE 6
ION-MOLECULE REACTIONS®

Reaction a
H* +CH - CH* +H 1.9(—9)
H* +OH - OH* +H 2.1(-9)
H* 4+ H,0 > H,0" +H 8.2(—9)
H* + CH, » CH* + H, 1.4—9)
H* +CH,>CH; +H 1.4(—9)
Het +H —SH* +He............. 1.9(—15)
He* + H, — H* +H +He ... 1.5(=13)
He* + 0, —O* +0O + He ..... 1.0(-9)
He:'r +CO —»C* + O + He ..... 1.6(—9)
He +CH —» C* + H + He ..... 1.1(—-9)
He* + CH, > CH* +H + He ... 7.5(—10)
ge: + EIH(Z)Q 8;1" + gz + I}-{e ..... ;;E_}gi
e + H,0 — + + He ..... I(—
He* + H,0 - H,0" + He ............... 7.0(—11)
He* +OH -0" +H +He... 1.1(-9)
C O ot 4+ CO ............ A(—
¢ 1o Zcor io 7510
C* +OH - CO* +H .. 7.7(—10)
C*  + H,0 > HCO* +H .. 27(-9)
c* +CH - CH* +C 3.8(—10)
C* 4+ CH,-»CH} +C 5.2(—10)
C* 4+ S0 > Si*  +CO ............ 5.4(—10)
C’; + Si0 - Si0*" +C...ooevnnnln. 5.4(—10)
(o) H (] *. O(—
o tm, Lom im. 189
OH* +H, — H,0* +H .. 1.1(-9)
co* +H —»CO +H'. 1.0(—10)
CO* +H, — HCO* +H ... 2.0(—9)
H,0* + H, — H,0* +H 6.1(—10)
HCO* + C - CH* +4CO ............ 1.1(-9)
HCO* + CH —» CH} +CO ............ 6.3(—10)
HCO* + OH — H,0" + CO ............ 6.2(— 10)
HCO* + CH, » CHf +CO ............ 8.6(— 10)
HCO* + H,0 » H,0* + CO ............ 27(=9)
H,0" +C —>HCO'" +H, ............. 1.0(—11)
H,0* + CH —» CH; + H,0........... 6.8(—10)
H, 0" + CH, > CH] +H,0 ....... 9.4(—10)
H +H —->H" +H,....... o=
HOTw, SH 219)
Hf +C —SCH* +H,....... 2.0(—9)
HZ* +0 S5 OH' + Hi ............. 8.0(—10)
H +CH -»CHf +H,...... 1.2(—9)
Hf + OH — H,0* +H, 1.3(—9)
Hi + CO — HCO* + H, 1.7(=9)
H; + H,0- H,0* +H, 59(—9)
H} + CH, »CH!f +H, 1.7(=9)
CH* +H —C* +H 9.4(—12)°
CH* +H, —»CHf +H 1.(—9)
CH* +0 —-»CO* +H 7.6(—10)
CH; +H, - CHf +H 7.2(—10)
CH! + 0 — HCO* +H, 4.4(—10)
Si0* + H, — HOSi* + H 1.5(—9)
SiHf + 0O —HOSi" +H .............. 6.3(—10)

TABLE 7
ELECTRON RECOMBINATION REACTIONS

2 Reactions for Tables 6-8 and 10-14 are from Prasad and

Huntress 1980, unless otherwise noted.

® This reaction has a rate given by k = a(T/300)

1.25

Reaction a b
H* +e > H 3.5(—12) —0.70
ct +e o C 44(—12) —-0.61
S* F e oS 39(—12) —0.63
Si* + e S 49(—12) —0.60
Mg* + e > Mg 2.8(—12) —0.86
Fe* + e  — Fe 3.7(—12) —0.65
OH" +e¢ -0 2.0(=7) —0.50
CO* +e >C 1.8(=7) —0.50
H,0" + ¢~ — OH 20(-7) —0.50
H,0" + e — O 2.0(=7) —0.50
HCO* + ¢~ — CO 20(-7) -0.75
H,0* + e  — H,0 6.5(—7) —0.50
H,0* + ¢  — OH 6.5(—7) —0.50
Hy +e — H, 1.1(=7) —0.50
HJ +e¢e - H 1.1(=7) —0.50
CH* +e —>C 1.0(—=7) —0.50
CH; + e — CH 1.5(=7) —0.50
CH; +e —C 1.5(=7) —0.50
CH; + e — CH 1.5(=7) —0.50
CH; + e — CH 1.5(=7) —0.50
SiHy + e — Si 2.0(-7) —0.50
SiH; + e~ — SiH 20(—-7) —0.50
HOSi* + ¢~ — SiO 1.5(=7) —0.50
HOSi* + e~ — Si 1.5(=7) —0.50
Note—Numbers in parentheses: see Table 2.
TABLE 8
NEUTRAL-NEUTRAL REACTIONS
Reaction a b
C + OH - CO 1.10(—10) 0.50
C +0, —»CO 3.3(—11) 0.50
O+ OH - 0, 4.0(—11) 0.50
O+ CH - CO 4.0(—11) 0.50
O+ CH —» HCO" + e .oivviiiiinnnnn. 2.0(—11) 0.44
O + CH, —» CO +H+H.............. 2.0(—11) 0.50
O + SiH — SiO + H 4.0(—11) 0.50
Note—Numbers in parentheses: see Table 2.
TABLE 9
REACTIONS OF VIBRATIONALLY EXCITED HYDROGEN
Reaction a b c
H% — H + 2
H{+H —-H, + 19(—=12) 050 1.0(3)
Hf + H, - H, + °
Hf{+H —->H + 9.8(—12) 050 2.7(4)
H* + H, - H, + 9.8(—12) 0.50 2.7(4)
H% + Hf - H + 9.8(—12) 0.50
H¥+ 0O —OH + 9.0(—12) 1.00
H% + OH —» H,0 + 3.6(—11)
H%¥ + O, - OH + 1.0(—10)
H¥+C —>CH + 1.2(—9) 0.50
H¥+CH->CH, + H...................... 22(—-11) 067
¥+ CT 5CH " +H.ooovvoviiiens 9.4(—12) 125
H% S H, 2.0(=7)°
H, —-H¥ 4

NoTe—Numbers in parentheses: see Table 2.

2 See text for the rate of photodissociation of H%.

® See text for the rate of collisional de-excitation of H¥ by H,.
¢ Radiative decay of vibrationally excited H,.

4 See text for the rate of UV fluorescence producing H%.
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TABLE 10
CosMic-RAY IONIZATION REACTIONS

Reaction d*
H ->H" +e ......... 4.6(—1)
He > He™ + e ......... 50(—1)
H,->H" +H+e ... 2.2(-2)
H,>H; +e ......... 9.3(—1)
NOTE—Numbers in parentheses: see
Table 1.
* The rate of ionization is taken to be
k=16 x 107174,
TABLE 11
CHARGE EXCHANGE REACTIONS
Reaction a c
H* +0 - 0" 4+ H.....o.ooeiiviinnnn. 7.0(—10) 2.30(2)
H* +S —-S* +H............o 1.3(—9)
H* +Si -»Si* +H...ooooovvinn. 9.9(—10)
H* + 1.1(—9)
H + 74(-9)
He* + 3.3(-9)
ct 4+ 1.5(-9)
ct o+ 2.1(-9)
ct + 1.1(-9)
ct + 2.6(—9)
ST+ 1.6(—9)
St 4+ 2.8(—10)
St o+ 1.8(—10)
Sit + Mg—-> Mgt +Si. 2.9(—10)
Si* + Fe »Fe™ + Si.....ooooiiiiinn. 1.9(—10)
NoTeE—Numbers in parentheses: see Table 2.
TABLE 12 TABLE 13
RADIATIVE ASSOCIATION REACTIONS REACTIONS OF NEGATIVE IONS
Reaction a Reactions a b c
H +C - CH..... 1.00(—17) H +e¢e ->H ......... 3.0(—16) 1.0
C*"+H - CH"... 1.70(—17) H +H —H, +e ... 1.3(—9)
C* + H, » CHj ... 6.00(—16) H +C*"-H +C ... 2.3(=7) —0.50
Si* + H, — SiH; ... 1.00(—15) H~ —H +e ... 2.4-17) 0.90*
NoTE—Numbers in parentheses: NoTe—Numbers in parentheses: see Table 2.
see Table 2. * Photodetachment reaction.
TABLE 14
REACTIONS WITH AN ACTIVATION BARRIER
Reaction a b c
H, +0 —>OH +H.................. . 1.0 4.5(+3)
H +OH -H, +O0.................. ¥ 1.0 35(+3)
H, +OH - H,O+H................... X s 26(+3)
H,0+H —H, + OH o 1.0(+4)
H +0, -OH +0....... . e 85(+3)
OH +0 —>H + O, . 6.0(+2)
OH + OH - H,0 +0....... . 5.5(+2)
O + H,O0- OH + OH 9.2(+3)
O, +H, - OH + OH e 93(+3)
H, +C —->CH +H..... . 050 1.4(+4)
H +CH -H, +C................... . 0.50 2.2(+3)
H, +CH -CH, +H................... . 0.67 8.8(+3)
H 0.67 1.3(+4)
Cc* 1.25 47(+3)
H 125 6.5(+4)
H, 125 6.5(+4)

NoTe—Numbers in parentheses: see Table 2.
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migration time scale and consequently decrease the critical grain temperature. For a completely imperfect surface T, ~ 44 K, using
the numbers quoted above.

The grain temperature in photodissociation regions is not well known. Far-infrared observations of OMC-1 yield a maximum
color temperature (50-100 um) of 65 K for grains heated by 6 Ori C (Werner et al. 1976). The actual grain temperature may be
somewhat lower because of an increase in the grain emissivity with frequency. Equation (A22) provides a theoretical estimate of an
average temperature of grains in photodissociation regions subjected to FUV and IR radiation. For parameters typical of nearby
early-type stars (Table 2), this yields grain temperatures in the range 60-120 K. It should be noted, however, that in the same
radiation field different types of grains will have different temperatures, owing to differences in absorption and emission efficiences,
sizes, and composition. There is, for example, a factor of 2 difference in temperature between a 200 A graphite grain and a 3000 A ice
grain. It is possible, therefore, for H, formation to stop on small graphite grains while it is still proceeding on large ice-type grains.
The formation of heavier molecules on grains seems ruled out, however, in photodissociation regions near early-type stars.

In our calculations we will assume that H, formation in photodissociation regions proceeds at the same rate as in the diffuse
interstellar medium. Other gas-phase species will evaporate before they can react on a grain surface.

APPENDIX D
THE CLOUD MODEL

For the construction of a model cloud, the plane-parallel slab is divided into a number of depth zones. At each depth z the energy
balance and the chemical equilibrium have to be solved simultaneously to determine the temperature and the molecular abun-
dances. The energy balance is given by

2 T(T(), x(2) — Y AlT(2), x(z)) =0, (D1)

where the heating (I';) and cooling (A;) terms are described in Appendices A and B and the vector x(z) contains the molecular
abundances at depth z. In a steady state, determining the molecular abundances reduces to solving m equations

AT, x() = 22 <0, ()
where m is the total number of species (see Tielens and Hagen 1982). In total there are therefore m + 1 equations in the m + 1
unknowns T(z) and x(z).

The nonlinear interplay of molecular abundances and temperature in the chemical and thermal equilibrium complicates the
model calculations considerably. In our calculation we have separated these problems as follows. Two temperatures are chosen
which bracket the solution of equations (D1) and (D2). The solution (T, x) is then determined by a midpoint interation scheme. This
means that at the temperature midpoint the chemical equilibrium (eq. [D2]) is solved with a Newton-Raphson method (see Tielens
and Hagen 1982). With the calculated molecular abundances and the midtemperature, the residual of equation (D1) is then
calculated. The iteration is then pursued in the temperature interval that again brackets the solution. The iteration is stopped when
the solution repeats to +0.5%.

Once the temperature and molecular abundances are known, the contribution of the current depth to the emergent intensity,
AI(x;;, z), is calculated::

Al(x;, z) = 2m) " 'A(xy;, 2)Az (D3)

where the values of A are given by equation (B1) and Az is the thickness of the layer. Finally, the contribution of the layer to the
molecular column densities and the optical depth in the IR and millimeter emission lines and the FUV photodissociation lines and
continuum are calculated (see eqs. [A7] and [B&]). The calculation is then pursued in the next depth zone.

Typically, in our numerical models at each depth 5 temperature iterations are required for 0.5% accuracy. For each temperature
about 8 iterations are required in the Newton-Raphson solution of the chemical equilibrium. For 60 depth points a calculation
typically takes between 3 and 10 minutes on a CDC 7600. Most of the time is used in solving the chemical equilibrium.
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ABSTRACT

We have constructed a model for the photodissociation region in Orion. This model matches the observed
emission in the fine-structure lines of O 1 63 um and 145 um, C 1 609 ym, and C 1 158 um and the low-lying
rotational lines of CO. It also explains the extended H, 1-0 S(1) emission, the carbon recombination lines, and
the C 19850 A line. The emission in the C 1370 um, Si i1 35 ym, and Fe 1 26 um, 35 um lines is predicted.
The model fit implies that a fairly uniform density (~10° cm™3) photodissociation region lies behind the Tra-
pezium stars. The peak temperature in this region is about 500 K, and the intensity of the incident far-
ultraviolet (FUYV) field is approximately 10° times as intense as the ambient interstellar field. This model
shows that the observed high brightness temperature of the C 1609 um line can be explained by emission
from the C*/C/CO transition region. This difference with previous chemical models is due to a higher gas
phase elemental abundance of carbon, to the charge exchange reactions of C* with S and SiO, and to carbon

self-shielding.

Subject headings: interstellar: molecules — nebulae: H 11 regions — nebulae: Orion Nebula

I. INTRODUCTION

In a previous paper we have modeled the chemistry and
heating balance in molecular clouds illuminated by an intense
far-ultraviolet (FUV) (6 eV < hv < 13.6 eV) field (Tielens and
Hollenbach 1985, hereafter Paper I). The models assumed an
FUV-illuminated plane-parallel slab, so that the calculation
was strictly in one dimension, the depth measured in visual
extinction A, into the slab. Microturbulence with a character-
istic Doppler width dv, was assumed to dominate the pressure.
Constant hydrogen nucleus density n, was assumed, so that
the pressure was approximately constant through the slab. The
numerical code solved for the equilibrium gas temperature T
and the chemistry as a function of 4,. The dominant heating
mechanism was found to be the photoelectric ejection of ener-
getic electrons from grains, which transforms up to 0.04 of the
incident FUV flux into gas heating. This “ heating efficiency ”
depends on the positive charge of the grains, which in turn
depends on a unitless parameter y oc G,T%°n; !, with n, the
electron number density and G, the FUV flux measured in
units of the “Habing field,” which is taken to be 1.6 x 1073
ergs cm 2 s~ ! (Habing 1968). The emergent spectrum from the
slab was calculated using an escape probability formalism for
the line radiation. The predicted spectra included the fine-
structure lines of O 1, C1, C 11, Fe 11, and Si 11; the low-lying
rotational transitions of CO, and an estimate of the FUV-
pumped H, 1-0 2 um vibrational transitions. The spectra
depended mainly on the model free parameters n, and G,.
Other model parameters which generally can be derived from
other observations or theoretical considerations include the
gaseous elemental abundances, dv,, the ratio of FUV opacity
to optical opacity of the grains, the ratio of 4, to column
density of hydrogen nuclei, and the emergent far-infrared con-
tinuum flux from dust, Fg, which can be calculated from the
dust temperature T, and the 100 um dust optical depth 7,49 ,m-

The results of the models show that the FUV creates a hot
(100-1000 K) layer (4, < 3) of atomic gas (H, O, C*). This gas
is heated by photoelectrons from dust grains and cooled by the

747

O 163 um and C 11 158 um fine-structure lines. Around 4, ~
3—4 atomic hydrogen and ionized carbon are transformed into
H, and C or CO, respectively. This warm (50-100 K) gas is
also heated by photoelectrons from dust grains but is cooled by
molecular rotation lines from CO. Beyond A4, > 4 carbon is
mainly in the form of CO. The gas is now heated by the infra-
red continuum from warm (~ 75 K) dust grains. Ground state
atomic oxygen is radiatively excited by 63 um continuum
photons, followed by collisional de-excitation by H, molecules
which heats the gas. The gas is also heated by collisions with
warm dust grains. Cooling still occurs through the CO rota-
tional lines. Deep in the cloud (4, > 10) atomic oxygen is con-
verted into O,.

These models are relevant not only to the gas which
separates H 11 regions from their parental molecular cloud but
also to neutral shells around planetary nebulae, bright-rimmed
clouds, reflection nebulae, and regions surrounding protostars.
In this paper we will apply our model to the well-studied Orion
photodissociation region. Applications to the other regions are
deferred to future publications.

This paper is organized as follows. Section II summarizes the
observations of Orion. In § IIT we analyze the fine-structure
observations. The emphasis is on a simple semianalytic model
which highlights the essential physics. In this way values for
physical parameters of this region such as density, temperature,
electron density, and intensity of the incident FUV field are
derived. The observations are also compared with our detailed
numerical model calculations, and a best fit model is con-
structed. Section IV summarizes the main results.

II. THE OBSERVATIONS

The Orion complex is the nearest site of recent massive star
formation. Most of the observational studies devoted to Orion
are reviewed in Glassgold, Huggins, and Schucking (1982). In
this section we will summarize these and more recent observa-
tions relevant to the understanding of the photodissociation
region.
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The Orion region has been observed in the O 1 63 ym and
145 ym, C 1 158 yum, and C 1609 um fine-structure lines
(Melnick, Gull, and Harwit 1979; Furniss et al. 1983; Ellis and
Werner 1985; Werner et al. 1984; Stacey et al. 1983; Russell et
al. 1980; Phillips and Huggins 1981). Table 1 summarizes the
observed integrated intensities for these lines, as well as those
of the low-lying rotational levels of CO (Phillips et al. 1977,
1979). The absolute calibration is uncertain by ~30%. The
beam sizes of the far-infrared fine-structure line measurements
are all about 45", except for the C 1609 um measurement,
which has a beam size of 2:6. The beam size of the CO observa-
tions are about 1",

The O 163 um emission in Orion has been mapped with 30”
resolution by Werner et al. (1984) and with 165 by Furniss et
al. (1983). The emission is extended on a 3’ scale and shows two
distinct peaks. The northern one is centered on the BN/KL
region and is probably associated with the wind shock (Werner
et al. 1984). The southern peak occurs southwest of the Tra-
pezium, slightly south of the radio continuum peak. It is about
halfway between the Trapezium and a peak in the far-infrared
and submillimeter continuum (Keene, Hildebrand, and Whit-
comb 1982; Werner 1983 ; Drapatz et al. 1983) and in the !3CO
column density map (Schloerb and Loren 1982). This southern
continuum source does not contain any embedded 20 um
sources brighter than 60 Jy (less than about 10% of the BN
object) and probably represents a column-density enhance-
ment (Keene, Hildebrand, and Whitcomb 1982).

In a northwest-to-southeast scan in the O 163 um line
across the central region of the Orion Nebula, a third peak
shows up at the position of 82 Ori A, slightly southeast of the
prominent ionization bar (Ellis and Werner 1985). It coincides
with a peak in the *>CO as well as in the '3CO brightness
temperatures (Schloerb and Loren 1982).

The O 1 145 ym and C 11 158 um lines have recently been
observed both from the Lear Jet and from the Kuiper Airborne
Observatory (KAO) (Stacey et al. 1983; Ellis and Werner 1985;
Russell et al. 1980). The distribution of the O 1 145 um and
C 11 158 um intensities in a scan across the Orion Nebula

Vol. 291

looks remarkably similar to that of the O 1 63 um intensity. All
three show a peak at the Trapezium and at the ionization bar.
These far-infrared lines are more extended and spatially
uniform than the continuum.

The Orion region has also been scanned with a 26 beam in
the C 1609 um line (Phillips et al. 1980; Phillips and Huggins
1981). The emission in this line is very extended (~25'). These
observations will be discussed in more detail in § I11d.

The molecular gas temperature as derived from '2CO obser-
vations has a peak value of about 75 K in the direction of the
BN/KL objects and drops to a value of about 10 K at a dis-
tance of 1 pc (~6’), although the distribution is quite irregular.
Distinct patches of higher temperature and column density can
be discerned in the CO maps. The '2CO line is expected to
become optically thick within the photodissociation region,
and therefore the models are constrained to fit these observa-
tions.

The carbon radio recombination lines also originate in the
photodissociation region. They indicate an electron density of
about 10> cm ™3 and a gas temperature in excess of 100 K
(Boughton 1978). The red C 1 lines at 9850 and 8727 A seem
also to be associated with the neutral gas (Miinch and Hippel-
ein 1982). It has been suggested that these lines are emitted
during the radiative recombination of C* and e (Cesarsky
1982). Recently, Treffers (1983) has observed extended H, 1-0
S(1) emission in Orion. The intensity of this emission is low,
and its association with the ionization bar suggests an origin in
the photodissociation region.

In addition to the above observations of fine-structure, H,,
CO, and carbon lines which we intend to model, there are a
number of observations of the H u region, the photo-
dissociation region, and the molecular cloud which can be used
to constrain the model parameters.

The Orion Nebula is an H 11 region which is ionized by the
Trapezium stars, in particular #* Ori C, and to a lesser extent
6% Ori A. It appears as a blister on the much larger Orion
molecular cloud (Zuckerman 1973; Balick, Gammon, and
Doherty 1974). The luminosity of the ionizing stars is about

TABLE 1
COMPARISON OF THE MODEL CALCULATIONS WITH OBSERVATIONS TOWARD ORION

Observed
at ' Ori C Standard Model Model Fit*
Line (ergsem™2s 'sr7!)  (ergsem™2s7!sr7!)  (ergsem”2s7!srTY)
O163 M oo 410 6(—2) 7.5(—2) 4.6(—2)
O1145um .................. 3to6(—3) 3.2(-3) 3.5(-3)
Culs8um ................. 4to7(-3) 2.6(—3) 3.8(—3)
Ci610um ...l 6.7(—6) 3.5(—6) 8.8(—6)
Ci30um ......... 1.8(—9) 3.8(—5)
Sin348um .... 1.6(—3) 1.8(—3)
Feun26 ym .. 1.1(=3) 6.0(—4)
Fen 35.4 um . 1.9(—4) 7.0(—5)
COJ=1-0. 6.5(—7) 4.1(=17) 49(—17)
COJ=2-1. 6.0(—6) 4.6(—6) 5.4(—6)
COJ=3-2 ... 1.9(-5) 1.8(—5) 1.9(-5)
COJ =413 4.1(-95) 4.5(—9)
COJ =54 7.6(—5) 4.5(-9)
COJ=6-5 .....coeinn.. 1.2(—4) 1.1(—4)
COJ=T7-6 ................ 1.5(—4) 1.3(—4)
COJ=8-T ... 1.8(—4) 1.4(—4)
COJ=9-8 ...l 1.8(—4) 1.3(—4)

NoTe.—Numbers in parentheses: 7.5(—2) = 7.5 x 1072,
* A possible improved fit with lower than standard dust-to-gas ratio 6, = 0.5 and a lower gas density

ny = 10° cm ™3 (see text).
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10° L, and the stars are located at a distance of about 0.1—
0.2 pc from the molecular cloud (Werner et al. 1976). This leads
to an incident FUYV flux of about G, ~ 10°.

For the elemental abundances, .«/;, the values obtained for
the heavily depleted line of sight toward { Oph are chosen
(Morton 1974; de Boer 1981; Jenkins, Jura, and Loewenstein
1983). Note that for the carbon abundance the upper limit has
been chosen (see Table 2). This value is equal to the measured
carbon abundance in the Orion Nebula (Peimbert 1982) and is
therefore probably more appropriate for models of the Orion
photodissociation region (the oxygen abundance in Table 2 is
also equal to the measured value in the H 1 region, as expected
if the H 11 plasma consists of ionized molecular cloud material).
The derived lower limit to the carbon abundance toward
{ Oph is half the upper limit (Jenkins, Jura, and Loewenstein
1983). As discussed in Paper I, we do not expect that carbon is
depleted in the form of grain mantles in the photodissociation
region.

The gas density in the central core of the H 11 region is about
10* cm 3. With a gas temperature of about 10* K, the H 11
region gas pressure against the neutral gas is about
108 K ¢cm ™3, The pressure in the photodissociation region,
P oc ny 8v? (see Paper 1), is therefore constrained to be of this
order. The gas distribution in the H 11 region may, however, be
quite clumpy, and the external pressure on the photo-
dissociation region may differ somewhat from this value (see
Peimbert 1982).

The photodissociation region gas density and pressure are
also constrained somewhat by using millimeter observations of
the molecular gas which lies deep in the photodissociation
region and beyond, in the opaque molecular core. The some-
what dubious premise here is that the pressure and density
deep in the cloud reflect the surface pressure and density. These
observations reveal a ridge of high-density (~10° cm™3)
molecular material running N-S through the BN/KL region

TABLE 2
STANDARD MODEL PARAMETERS®

Parameter Standard Model
ne(em™3) ol 2.3(5)
Goooveiiee e 1.0(5)
dvg(kms™Y) L 2.7
s 3.0(—4)
G 5.0(—4)
g e 79(-7)
S 7.9(—6)
A e e 2.5(=7)
T 1.3(—6)
Fplergsem™2s71) ... 5.0(2)
To(K) oo, 75
TUQO um wvevrrr e 3.0(—1)

P 1.0

NoTe.—Numbers in parentheses: see Table 1.

* The photodissociation region parameters are
defined as follows: n, is the hydrogen nucleus
density, G, is the incident FUV flux in units of the
“Habing flux” (see Paper I), dv, is the turbulent
velocity width, «/; is the fractional abundance of
species i, Fig is the integrated far-infrared flux from
the slab, T, is the dust temperature, T, ., is the
dust optical depth at 100 um, and J,, is the depletion
of dust relative to its abundance in the diffuse inter-
stellar medium, or §, = (4,/Ny)/5.2 x 10722 mag

cm?.
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with a gas temperature of perhaps ~ 50 K. The molecular gas
density seems to decrease with a r™2 dependence from this
region to a value of about 10° cm™3 at a distance of 1 pc
(Westbrook et al. 1976; Goldsmith et al. 1980; Keene, Hilde-
brand, and Whitcomb 1982).

Several observations may be used to constrain the turbulent
Doppler width dv; in the photodissociation region. Unfor-
tunately, the line width of the far-infrared fine-structure lines is
less than the instrumental resolution (~30 km s™!) except for
the C 1 609 um line, which has an observed FWHM width of
5 km s~ . (We ignore here the small region of shock-excited
O 163 um emission toward BN/KL which was resolved by
Werner et al. 1984.) This places an upper limit on dv, of about
3 km s~ !. The carbon recombination lines indicate that the
gas in the photodissociation region has v, ~ 2.7 km s~ !
behind the Trapezium stars (Boughton 1978), although some
velocity structure may be present within the fairly large beams
(2!6) of these observations (Jaffe and Pankonin 1978). In the
calculations we will adopt dv, = 2.7 km s~ 1.

Observations which constrain the dust extinction properties
are discussed in the next section. However, we note here that
the far-infrared continuum observations show a maximum
color temperature of the dust of about T, ~ 75K and a
maximum optical depth at 100 um (7,4 ,,) of about 0.3
(Werner et al. 1976).

III. THE MODEL

The parameters of the standard model in Paper I have been
chosen to mimic the conditions expected for the photo-
dissociation region directly behind ' Ori C (Table 2). The cal-
culated emergent line intensities for the standard model are
compared with the observations in Table 1. Also shown in this
table are the results of a possible best fit model. This model has
a lower dust-to-gas ratio (5, =0.5 or A,/Ny = 2.6 x 10722
mag cm?) and a slightly lower gas density (10° cm™3) than the
standard model (6, =1 or A4,/Ny =52 x 10722 mag cm?,
the value appropriate for diffuse clouds, and n, = 2.3 x
10° cm~3). As discussed below, other small changes in the pa-
rameters can also produce a good fit. As a result of this change,
this model has a somewhat lower temperature throughout the
atomic region than the standard model. The maximum tem-
perature, for example, is only 550 K in the best fit model, as
opposed to 1100 K in the standard model (cf. Fig. 7 of
Paper I). The temperature in the molecular gas is equal to
about 50 K in both cases. The behavior of the molecular abun-
dances as a function of visual extinction in this model is quite
similar to that in the standard model (cf. Fig. 9 of Paper I). The
column density of most species are, however, larger by a factor
of 2 because of the increased penetration depth of the FUV.

a) The O163 um Line

The core of our interpretation of the O 1 63 um emission in
Orion is that the gas is heated by electrons, photoelectrically
ejected from dust grains. As much as a few percent of the
energy absorbed by a dust grain can be converted into heat for
the gas and ultimately into O 1 63 um emission. The remaining
heat will be radiated by the grains in infrared continuum radi-
ation. It is the identification of the heat source of the gas that
will allow us to calculate the global physical parameters of the
region (e.g., T, ny, and G,) from the observations.

As will be discussed in detail below, the average efficiency of
the photoelectric heating can be obtained from the observed
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total line and continuum flux. This efficiency depends on the
unitless parameter y = 2.9 x 107 °G, T%*n; !, with T in K and
n, in cm ™3 (see Fig. 5 of Paper I). Because the intensity of the
incident FUV field can be determined from the dust infrared
continuum and the gas temperature from an estimate of the
peak intensity of the optically thick O 1 63 um line, a reason-
able value of the electron density can be derived. Given the
carbon abundance, this determines the gas density in the
photodissociation region.

The integrated intensity of all far-infrared fine-structure lines
is not much more than the O 1 63 um intensity of 5 x 1072
ergs cm 2 s~! sr™! at the Trapezium. The integrated far-
infrared continuum intensity at that position is about
1.2 x 10 ergs cm ™2 s~ ! sr™! (Werner et al. 1976; Drapatz et
al. 1983). This yields an efficiency € of the photoelectric effect of
about 4 x 107 3. Actually, this efficiency should be divided by
2. In a semi-infinite plane-parallel layer, a good assumption for
the O 1 63 um, the cooling radiation only escapes through one
boundary. The far-infrared emission from the dust, however, is
optically thin and escapes in two hemispheres. This yields for €
about 0.2%. Using Figure 6 from Paper I, we then estimate
thaty ~ 0.6, 0or G, T®°n; ! ~ 2 x 10* K% cm3.

The intensity of the incident FUV field G, and the gas tem-
perature T can be estimated in the following way prior to
detailed model fits. The average interstellar FUV intensity on a
cloud is 1.2 x 107 % ergs cm~2 57! sr™! (Habing 1968). The
observed integrated infrared intensity toward the Trapezium
(see above) implies that G, = 10° at that position, assuming
that FUV is primarily responsible for heating the dust. The
integrated intensity of an optically thick line emerging from a
homogeneous (constant density and constant excitation tem-
perature T,) plane-parallel slab is given by

I'~ B(T)n(dv,/0)f(7) , M

where B(T,) is the Planck function at the frequency of the line,
ov, is the turbulent Doppler width, and the factor f(r) arises
from optical-depth effects, with t the line-averaged optical
depth (Paper I). The function f(z) varies logarithmically with 7
and is typically of order unity for 7 ~ 5. The O 163 um line
becomes optically thick for hydrogen nucleus column densities
Ny > 2 x 102! cm ™2 or A4, > 1. In our detailed model calcu-
lations, this line is always optically thick (t ~ 5) and f(z) ~ 1.
Assuming v, = 2.7 km s~ ! and using the observed intensity
in O 1 63 um, we derive T, =~ 265 K.

Using these estimates for G, and T, and assuming that T =
T., we find from the derived value of y an electron density n, of
80 cm 2 in the photoelectrically heated region. This is in good
agreement with detailed models of the carbon recombination
lines which originate in the same region (Boughton 1978). If we
assume a carbon elemental abundance of 3 x 10™* as in the
models, then the gas density in the photoelectrically heated
region is 2.6 x 10° cm ™3 in order to explain the ratio of the
O 1 63 um to the IR continuum intensity.

The parameters of the models are close to these estimates
(Table 2). The O 1 63 um intensity calculated for the standard
model is actually somewhat higher than the observed intensity
(Table 1). This overestimate is caused by the increase in heating
efficiency with increasing depth into the cloud (decreasing
FUY field and less positively charged grains), an effect ignored
in the simple analysis discussed above. This also explains the
higher maximum gas temperature (~ 1000 K) in the standard
model as compared with the 265 K estimated above. The “ best
fit” model has a somewhat lower value for the density n, = 103
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cm ™3, in order to lower the cloud surface heating efficiency
somewhat. This model therefore has a maximum temperature
of about 500 K, which is closer to the “average” temperature
estimated from equation (1).

In a similar way we can derive the physical parameters in the
photodissociation region behind the prominent ionization bar
southeast of 6! Ori C. The integrated O 1 63 um intensity is
4 x 1072 ergscm ™25~ ! sr™!, and the total far infrared contin-
uum intensity is 5.3 ergs cm~2 s~ ! sr~! (Werner et al. 1976;
Ellis and Werner 1985). Therefore, an analogous analysis as
described above results in a calculated heating efficiency of
0.4%, an estimated intensity of the FUV field of G, =~ 4.4
x 10% a gas temperature of 230 K, an electron density of
60 cm 3, and a gas density n, of 2 x 10°> cm ™3, Because of the
increase in the efficiency with depth into the slab, the density
may have been overestimated by about a factor of 2-3. Despite
the lower incident FUYV field, the O 1 63 um intensity does not
drop appreciably because of the increase in heating efficiency
with decreasing G,. In other words, the O 1 63 um intensity in
the model is more spatially uniform than the far-infrared con-
tinuum flux, as is observed.

As an aside, it should be noted that the bar is probably an
ionization front seen almost edge-on (Becklin et al. 1976;
Werner et al. 1976; Schloerb and Loren 1982; Keene, Hilde-
brand, and Whitcomb 1982). However, the almost edge-on
geometry does not appreciably alter the calculated O 1 63 um
intensities, since the gas temperature is relatively constant on
the surface of the cloud where O 1 63 um becomes optically
thick to the observer (assuming that the photodissociation slab
slightly faces the observer). In order to match calculated inten-
sities with observed intensities, one must assume that the face
of the photodissociation region fills the beam.

The derived gas density is about an order of magnitude
larger than the lower limit to the density estimated from the
extent of the 10 and 20 um emission associated with the ion-
ization bar (Becklin et al. 1976). With our estimated density the
physical extent of the atomic region emitting the 10 and 20 um
radiation is only 10'® cm. The extent along the line of sight is
estimated to be about 0.1 pc (Werner et al. 1976). This implies
that we view the ionization bar at an angle of 70° rather than
90°. Alternatively, the 10 and 20 um emission may originate
from dust just inside the ionized gas, which has a lower density
than the gas in the photodissociation region because of the
streaming away of material from the ionization front.

The molecular data provide an insight into the overall
density distribution in the molecular cloud behind 6! Ori C.
These data indicate a density of about 10° cm ™3 at a distance
of 3’ from the BN/KL region (Goldsmith et al. 1980). The
region with higher density (~10° cm ™ 3) in the BN/KL region
indicated by the molecular data must then be buried deeper
(4, > 10) inside the molecular cloud in order that the photo-
dissociation models match the observations. In our view, the
formation of the infrared cluster in the BN/KL region has
produced a density gradient (r~2) in the surrounding gas
because of gravitational collapse. This density distribution is
further modified at the front of the molecular cloud by the
presence of the H 11 region around 6 Ori C, which produces a
roughly circular slab with a projected radius of about 0.45 pc
(3") in which the density is quite constant (~ 10> cm™3). At a
distance of about 10', pressure equilibrium between the H 1t
region and the molecular cloud may not yet have been reached,
possibly resulting in the propagation of a slow shock into the
molecular cloud (Schloerb and Loren 1982). In Figure 1 a
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Fi1G. 1.—Schematic view of Orion region in the model. See text.

schematic view is given of the Orion region in our model. The
high-density (~10° ¢cm ~3) molecular gas lies approximately
within the small circle around BN/KL. Whether the gravita-
tional collapse in the central region has been induced by the
pressure of the H 11 region (Elmegreen and Lada 1977) cannot
be ascertained from the infrared fine-structure data.

b) The Cu 158 um Line

The observed intensity of the C 11 158 um line is relatively
easy to analyze. Because the density in the photodissociation
region is much larger than the critical density, the level popu-
lations are given by the Boltzmann distribution function.
Because the temperature in the C* zone is much larger than
the excitation energy (92 K), the level populations are only
weakly dependent on T. Thus, for an optically thin line, the
C 11 158 um intensity is mainly dependent on the total C*
column density. For an optically thick line the C 11 158 um
intensity is given by the Planck function at the kinetic tem-
perature (cf. eq. [1]). In Paper I a simple analytical model was
used to derive the intensity of the C 11 158 um line as a func-
tion of the total C* column density and the temperature (see
Fig. 5 in Paper I). For our best estimate of turbulent Doppler
width dvp, = 2.7 km s~ ! in the photodissociation region, the
observed C 11 158 um intensity implies a temperature of at
least ~250 K, in good agreement with values estimated from
the O 1 63 um line. The observatlons also imply a total C*
column density of about 5 x 10'® cm 2.

The column density of C* is mamly determmed by the pen-
etration of FUV photons into the slab. Typically, the C*
region extends to a grain optical depth at A ~ 1000 A of
7 =~ 10. Assuming “normal” dust properties (t/4, = 2.6 and

A/Ny=52x10"%? mag cm?), Ny = 6.8 x 102! cm~2 is
derived. Taking the above C* column densities at face value,
this implies a carbon abundance of 7.5 x 104, larger than the
cosmic abundance value of 4 x 10™* (Allen 1973) or the
carbon abundance in the Orion H 11 region (Peimbert 1982).

Rather than a superabundance of carbon, the C* column
density can be raised by two more probable causes. First, the
dust in molecular clouds may not have “normal ” properties.
The extinction curve of the dust along the line of sight to the
Trapezium stars differs considerably from the average inter-
stellar extinction curve. The ratio of total to selective extinc-
tion, R = A,/Eg_,, is larger, and the 2200 A bump and the
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ratio of FUV opacity to A, is smaller (t/4, ~ 1), than in the
diffuse interstellar medium (Johnson 1968; Bless and Savage
1972; Panek 1983). These differences, in dust which is presum-
ably leftover molecular cloud material, seem to point to a
larger mean size of the grains rather than the absence of small
grains. The larger grain size may be caused by grain processing
in the molecular cloud—for example, by coagulation of large
and small grains. If the photodissociation region dust has a
similar low FUV opacity, this would increase the extent of the
C™ region. Second, the large C* column density may be due to
geometrical effects. Viewing the slab at an angle with the
normal increases the observed column density, without
increasing the extent of the C* region. In order to explain the
intensities observed in Orion, the slab has to be tilted by about
60°.

These simple analytical considerations agree well with our
extensive numerical calculations. The C 11 158 um intensity in
the standard model falls short of the observations by about a
factor of 2 (Table 2). The C II 158 um line intensity in the
possible best fit model, which has a lower dust-to-gas ratio
than the standard model, is in much better agreement with the
observations. It should be emphasized, however, that an
equally good fit to the observations can be obtained by tilting
the slab or by choosing a normal gas-to-dust ratio combined
with a gray FUV dust opacity (z/4, = 1). At present we cannot
rule out any of these possibilities, and it is possible that all are
operating. We do note, however, that the observed variations
in the C 11 158 um line intensities in Orion are probably due to
variations in geometry rather than to dust properties.

¢) The O1145 um Line

The intensity in the O 1 145 um line is a complicated function
of density, temperature, and optical depth in both the
O 163 um and 145 pm lines. It is therefore difficult to interpret
the observed O1 145 um intensities in terms of a simple analyt-
ic model. Instead the full-scale numerical model calculation is
needed. The intensity of the O 1 145 um line in the standard
model is in reasonable agreement with the observations (Table
1). The ratio of the O 1 145 um to the O 1 63 um line may be
somewhat small compared with the observations, although it
should be kept in mind that the observed intensities are uncer-
tain by about +30%. We note that if this observed ratio is as
high as 0.1, then both transitions are optically thick (cf. the
curve for ny = 10° cm ™3 in Fig. 2 of Paper I). In the standard
model the O 163 um line is optically thick but the O 1 145 um
line is still optically thin. Increasing the O column density, as in
the possible improved model fit (Table 2), does indeed increase
the O1145 yum/O 163 um line ratio. In this model the
O 1 145 um line does reach an optical depth of about unity in
the warm gas.

d) Origin of the C1609 um and Millimeter CO Emission

The C 1 fine-structure lines as well as the CO rotational
levels originate in the warm (50-200 K) molecular gas deep in
the photodissociation region. The calculated intensity of the
C 1609 pm line in the standard model is about a factor of 2
lower then the observed intensity in Orion (Table 2). Because
this line is optically thin (t ~ 0.5) in our model, this discrep-
ancy is due to a C 1 column density which is somewhat too
small. As discussed in relation to the C 11 158 um line, this may
be caused by geometrical effects or to a difference in the dust
properties. This discrepancy may also be attributed to a higher
C/O ratio, which tends to shift the C/CO equilibrium toward C
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(see Paper I). In view of the C i1 158 um results, however, the
first two explanations are preferred. As exemplified by the
results of the possible best fit model in Table 2, a good fit to the
observations can be easily obtained.

The calculated intensities for the CO 1-0, 2-1, and 3-2 tran-
sitions are in reasonable agreement with the observations
(brightness temperatures ~75 K). It should be noted that the
brightness temperature of the CO rotational transitions in the
model increases with increasing J for low values of J. This is
caused by the increase in Einstein A-value with J which makes
the higher J-levels optically thick closer to the (warmer)
surface. This effect may have been observed in the J = 6-5
transition, which is measured to have a brightness temperature
of 120 K (Buhl et al. 1982).

The column density of neutral carbon in the photo-
dissociation region model is about 10 times larger than pre-
vious calculations indicated (Glassgold and Langer 1975;
Langer 1976, 1977; de Jong, Dalgarno, and Boland 1980). As
discussed in Paper 1, this is partly caused by improvements in
the chemical modeling: we include charge exchange reactions
between C* and S and SiO and self-shielding of neutral
carbon. The rest of the difference is due to the choice of a
higher elemental abundance of carbon in the gas phase than
previous studies have assumed (cf. Paper I). This is consistent
with recent determinations of the carbon depletion in the
diffuse interstellar medium (Jenkins, Jura, and Loewenstein
1983). It should also be emphasized that a high carbon abun-
dance is also needed to explain the C 11 158 um observations.

The low column densities of atomic carbon predicted by
previous gas-phase chemistry models failed to provide the
observed C 1 609 um intensities. The failure of these chemical
equilibrium models has led to several speculations in the liter-
ature on the origin of the high atomic carbon column densities
inferred from observation.

It has been suggested that the high atomic carbon column
densities are caused by the lack of chemical equilibrium in
molecular clouds. The chemical equilibrium time scale inside a
dense cloud, where the chemistry is dominated by cosmic-ray
ionization, is about 10°® yr. Starting with an atomic cloud (i.e.,
all carbon in C%), large abundances of C1 are present for
t < 10° yr in time-dependent models (Iglesias 1977; Gerola
and Glassgold 1978; Graedel, Langer, and Frerking 1982;
Tarafdar et al. 1985). However, this young implied age for
molecular clouds is in conflict with other observations which
suggest ages of 107-10® yr (cf. Bash and Peters 1976; Bash,
Green, and Peters 1977). In particular, the presence of several
subassociations suggest a lifetime of the Orion molecular cloud
larger than 107 yr (Elmegreen and Lada 1977).

The nonequilibrium of the molecular cloud might be caused
by turbulence. Boland and de Jong (1982) suggest that churn-
ing of atomic material from the surface to the center of the
cloud leads to large amounts of C 1, because of the photo-
dissociation of CO at the surface and the long time scale for
re-formation of CO in the center. However, it should be noted
that an FUV radiation field capable of photodissociating CO is
also capable of photoionizing C to C*. Furthermore, the
chemical equilibrium time scale in the presence of an FUYV field
is much shorter than the 10° yr quoted above for the interiors
of dense clouds (a fact noted by Boland and de Jong 1982). As
estimated in Paper I, the chemical equilibrium time scale in
photodissociation regions is only 10* yr, much shorter than the
turbulent circulation time scale. Consequently, photo-
dissociation regions are expected to be in chemical equi-
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librium, and the carbon brought to the interior by turbulence
should be mainly in the form of CO. Indeed, detailed model
calculations of Boland and de Jong (1984) show atomic carbon
in the photodissociation region of a dark molecular cloud, but
the center is entirely CO.

Our photodissociation model for the C 1609 um emission
places the C 1 in chemical equilibrium at the cloud surface
(A, < 10). The emission is barely optically thin (t ~ 1) and
originates in a warm (50 K) molecular gas. Our models predict
about 10 times greater atomic carbon column densities than
previous theoretical models and match the observationally
inferred (optically thin) lower limits on C column densities. In
the remainder of this section we argue for these lower limits on
the observed C 1 column densities rather than the higher values
favored by Phillips and Huggins (1981). They propose that
C 1609 um is very optically thick, based on a curve-of-growth
analysis.

The emission from the C 1 609 um line is very extended
(~25"), and its brightness temperature is about equal to that of
the 12CO J = 1-0 line in the outer regions which lie > 10’ from
0! Ori C. In the central region the brightness temperature of
the C 1 609 um line is only about one-third that of the >2CO
J = 1-0 line. In our model this behavior of the C 1 609 um line
is caused by an increase in optical depth with distance from
#* Ori C. In the central region the C 1609 um line has an
optical depth <1 in our model; in the outer regions this line is
optically thick. This difference in optical depth is caused not by
an increase in the C 1 column density but rather by a decreased
turbulent Doppler width. The C 1609 um line width decreases
from about 5 km s~ in the central region to about 2 km s~*
25 away (T. G. Phillips 1984, private communication). There-
fore, in the outer regions where they are both optically thick,
the 12CO J = 1-0 and C 1 609 um lines measure essentially the
kinetic gas temperature and are insensitive to n, and G,.

Phillips and Huggins (1981) have suggested that the
C 1609 um line is very optically thick even in the center of the
OMC-1 region. This conclusion was reached on the basis of a
comparison of its line width to that of the *2CO lines and its
isotopes. We feel that such a curve-of-growth analysis of this
complex region may be misleading. The presence of tem-
perature, density, and turbulent or systematic velocity gra-
dients can lead to erroneous conclusions based on line-width
comparisons. For example, the C 1 609 um and !3CO J = 2-1
lines are both optically thick in the central region (t¢; ~ 25),
according to the analysis of Phillips and Huggins (1981), yet
their brightness temperatures are much less than the kinetic
gas temperature derived from the J = 1-0 *2CO line (¢ ~ 80).

In our opinion, this difficulty stems from the presence of two
regions superposed on the sky: (1) the warm OMC-1 core
around BN/KL, including the warm photodissociation region
behind the Trapezium, and (2) the cold, lower density molecu-
lar gas behind BN/KL (see Fig. 1). These regions have quite
different densities, temperatures, column densities, and intrin-
sic line widths. The H,CO and CO observations, for example,
show complex velocity structure (Bastien et al. 1981; Schloerb
and Loren 1982). The H,CO line width (FWHM) is only
1-2 km s™!, which may reflect quiescent conditions much
deeper into the Orion molecular cloud, far beyond the photo-
dissociation region. Therefore, we believe that the colder
quiescent region has an intrinsic line width (FWHM) of about
1-2 km s~ !, while the region around and in front of BN/KL
has a line width (FWHM) of about 5 km s~ ! (or v, = 2.7 km
s™1), as inferred from the carbon recombination lines. The CO
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lines with high opacity (e.g.,, 12CO J = 2-1 and J = 1-0 and
13CO J = 2-1) originate mainly in the warm turbulent region.
Those of lower opacity (e.g, *CO J =1-0 and !2C!80
J = 1-0 and J = 2-1) have a significant contribution from the
cold quiescent molecular cloud. Thus, in our model, the
increased width of a line does not imply greatly increased
column densities, as in a curve-of-growth analysis, but rather is
indicative of variations in the velocity field with depth into the
cloud. It is apparent from this discussion, however, that high
spectral resolution observations of the far-infrared fine-
structure lines are important. The C i1 158 ym and O 1 145 ym
lines are ideally suited for determination of dv,, since they are
generally optically thin and both arise in the photodissociation
region.

Further discussion of this point must await a more thorough
radiative transfer calculation than ours. However, we wish to
empbhasize that the 12CO and C 1 609 um line intensities calcu-
lated for the photodissociation region are in reasonable agree-
ment with the observations (Table 2). Although we have not
included '3CO in our chemical calculations, the following
simple argument shows that the !3*CO line intensities can also
be obtained in our model. Assuming that the 12CO/*3CO ratio
is cosmic (90) and that the kinetic temperature is constant
(70 K) over the emitting region, we obtain brightness tem-
peratures from the photodissociation region of 20 and 7 K for
the 13CO J = 2-1 and J = 1-0 lines, respectively. The value
for the 21 line is in reasonable agreement with the observa-
tions. Phillips et al. (1979) observed a width corresponding to
v, ~ 2.9 km s~ ! for the 13CO J = 2-1 line, consistent with
our assumed width for the photodissociation region. The
J = 1-0 line, however, has a model peak brightness tem-
perature which is about a factor of 2 lower than the observa-
tion. Because of the low optical depth of this line in the
photodissociation region, it may have a substantial contribu-
tion from the cold quiescent molecular cloud. This may explain
the observed width of the *3CO J = 1-0line, dv, ~ 2.3 kms ™!,
which is somewhat narrower than lines which originate purely
in the photodissociation region.

From this discussion it may appear that measuring the
C 1370 um line in OMC-1 will be helpful in distinguishing
whether atomic carbon is mainly at the cloud surface with line
opacities of order unity or whether the carbon exists through-
out the cloud with correspondingly large opacities. The latter
model predicts equal brightness temperatures in the lines. In
our model, however, the brightness temperatures depend on
the optical depths in the lines and, a priori, these might be
expected to differ. The optical depths in the 370 and 609 um
lines are, however, quite similar, so that the brightness tem-
peratures of the two lines are similar even in the optically thin
case (i.e., both models predict about the same ratio of inten-
sities C 1 370 um/C 1 609 um). In view of the uncertainty in
the absolute calibration of submillimeter lines, it appears that
measuring the C 1370 um intensity will not settle this ques-
tion.

e) C19850 A

The observed intensity of the 9850 A C 1 line is somewhat
uncertain because of an unknown reddening correction. In our
model this line originates within the region 0 < A4, < 3.
Assuming that the wavelength dependence of the dust is rep-
resented by van de Hulst curve No. 15, this corresponds to an
optical depth at 9850 A of about 0.5. Correcting the observed
intensity (Miinch and Hippelein 1982) by this amount of
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extinction results in an emitted intensity of 1.1 x 10™* ergs
cm ™3 s7! sr™ 1, It should, however, be noted that this correc-
tion for extinction is uncertain in the photodissociation region.
The calculated intensity in the standard model is about
9 x 107 ergs em ™3 s7! sr™!, in good agreement with this
value, lending further support to the suggestion that this line
originates from carbon recombination in the photodissociation

region (Cesarsky 1982; Miinch and Hippelein 1982).

f) H, 1-08(1)

The extended emission in the H, 1-0 S(1) line, which we
attribute to FUV-pumped H, molecules in the photo-
dissociation region, has an average intensity of about 2 x 10~
ergs cm”™ 3 s sr~! (Treffers 1983). This implies a column
density of H, in the v =1, J = 3 level of about 7.5 x 10'3
cm~ 2. Assuming that the H, molecules in the v = 1 state are
distributed over the rotational levels according to the kinetic
temperature of the gas (~ 500 K), we compute a total column
density of H, molecules in v = 1 of about 2 x 10*¢ cm~2.
According to Shull’s (1978) accurate calculations, the column
density of H, in all v > 1 states is about 2.5 times that in the
v = 1 state. This leads to a total “ observed ” column density of
H% of about 5 x 10 cm ™2, which is in good agreement with
the predicted standard model value of 4.4 x 10'® cm™2 (see
Paper I).

It should perhaps be noted that the possible best fit model of
Table 1 predicts a H¥ column density which is about equal to
that in the standard model. In both models H peaks and then
rapidly falls off at A, > 2, where dust and H, self-shielding
both attenuate FUV pumping. The best fit model has a ratio
A,/Ny one-half that of the standard model, so that the extent of
the H¥ region is twice that of the standard model. However,
this is offset by the abundance of H¥, which is one-half that of
the standard model because of the factor of 2 decrease in H,
formation on grains. If, instead, we had changed the FUV
opacity of the dust to 7 = A,, then again we would have
increased the extent of the H¥ region (or the penetration of the
FUYV) but without lowering the H, formation rate. Thus, in
this case, the H%¥ column density would have increased by a
factor of 2, as H, competed more effectively with the dust for
FUYV photons.

Finally, we note that the detection of extended emission
from vibrationally excited H% in Orion implies that H, can be
formed with high efficiency on warm dust grains. It is difficult
to make this more quantitative because of the possible pres-
ence of multiple dust components and different sizes, resulting
in different grain temperatures in a given region (cf. Paper I).

IV. SUMMARY

We have applied our theoretical model, which calculates the
energy balance and chemical equilibrium of dense molecular
clouds illuminated by high FUV fields, to the photo-
dissociation region in Orion. Our model can explain the
observed intensities in the O163 um and 145 um,
C i 158 um, C 1609 um, and the low-lying rotational tran-
sitions of CO. It also explains the extended vibrationally
excited H, emission, the carbon radio recombination lines, and
the far-red C 1 9850 A emission.

We have illustrated how the O 1 63 ym, C i1 158 um, and IR
continuum maps can be used, without the detailed thermo-
chemical modeling described in Paper I, to probe the physical
state of the photodissociation region. The ratio of the sum of
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the integrated line strengths to the IR continuum gives an
efficiency of gas to grain heating by the FUV incident on the
cloud. This efficiency depends on the grain charge, which in
turn depends on n,, G,, and T. The FUV flux G, can be
obtained from the IR continuum; the gas temperature T can be
estimated from the integrated O 1 63 um or C 11 158 um inten-
sity together with an assumed line width. The measured effi-
ciency, together with G, and T, provides the electron density if
the photoelectric heating mechanism is valid. The abundance
of carbon, which is constrained by the C1 and C 11 fine-
structure line strengths, then can be used to derive n, from n,.

A detailed thermochemical one-dimensional model fit to the
observed emission from the photodissociation region associ-
ated with the Trapezium in Orion is obtained with a gas
density of n, = 10° cm~3 and an incident FUV flux 10° times
the average interstellar value. The FUV flux implies that
0 Ori C. lies about 0.2 pc from the molecular cloud. The gas
density in the photodissociation region is relatively constant to
a distance <3’ from #' Ori C. The dense (~10° ¢cm~3) molec-
ular ridge at BN/KL must lie buried deeper (4, > 10) in the
cloud. The match to the extended H, 1-0 S(1) emission implies
that H, formation occurs efficiently on grains with tem-
peratures T,, ~ 75 K.

The large extent of the O 1 63 um emission is a natural con-
sequence of the photoelectric heating mechanism. When the
FUYV flux drops, the positive grain charge decreases, resulting

in a larger heating efficiency per FUV photon. As a conse-
quence, the intensity of the O 163 ym line, the dominant
cooling line of the gas, does not drop as fast as the far-infrared
continuum with distance from the exciting star.

Most of the C 1609 um emission and the *2CO 1-0 emission
observed toward OMC-1 originates in the photodissociation
region. The '2CO 1-0 transition becomes optically thick at
A, ~ 4, and the peak brightness temperature measures the gas
temperature at this depth. The C 1 609 um emission is margin-
ally optically thin, so that its peak brightness temperature
(~20 K) lies below the gas temperature. We argue that it is not
necessary to invoke nonequilibrium chemistry, and therefore
extremely young ages <10° years, in order to explain C 1
abundances observed toward molecular clouds. To explain the
CO millimeter emission, we propose a two-component model
with a warm foreground turbulent region (which includes the
photodissociation region) and a cold background quiescent
region. Some of the CO lines (e.g., 12?CO 1-0 and 2-1 and !3CO
2-1) come from the turbulent region; others (e.g., 1*CO 1-0
and '2C*80 and 2-1) come from the cold molecular cloud.

We have benefited from discussions with R. Genzel, D.
Watson, and M. Werner. We would like to thank the
Astronomy/Relativity Branch at NASA Headquarters for their
support under NASA RTOP 188-41-53.
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